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ABSTRACT
The rare class of stars known as the Hydrogen-deficient Carbon (HdC) stars includes the R
Coronae Borealis (RCB) variables and the non-variable Dustless HdC (dLHdC) stars. These
stars are believed to be formed via the merger of two white dwarf (WD) stars. They are
known to exhibit many spectral peculiarities, such as partial helium burning products, enhancement of s-processed material and severe hydrogen-deficiency. In this work I explore
many facets of HdC evolution. I begin by creating 18 HdC models in the stellar evolution
code Modules for Experiments in Stellar Astrophysics (MESA) by merging two WD progenitors and evolving the post-merger star. These models span a range of metallicities and
post-merger He-burning shell temperatures, and we find the best model to have 10% solar
metallicity and a He-burning shell temperature of about 3.00×108 K. Next, I examine a
multitude of HdC spectra for evidence of unique s-process enhancements and find a subclass
of six HdC stars that I denote as Sr-rich. These stars show strongly enhanced light s-process
elements such as Sr and Y, however the heavy s-process elements show significantly less
enhancement, indicating a weak neutron exposure event. I also use the HdC MESA models
to estimate a probable neutron exposure for a typical HdC, however this exercise does not
explain the current amount of s-processed material in a typical HdC spectrum. Lastly, I
use a combination of the MK process, a principal component analysis (PCA), and K-means
clustering to create a spectral classification system for HdCs. This system is strongly inspired by the system used for traditional carbon stars, and notes many of the known spectral
peculiarities in HdCs, including the Sr-rich class and some unique stars that show Li or H
features.

v

CHAPTER 1.
INTRODUCTION
1.1

Hydrogen-deficient Carbon Stars

The rare supergiant class of variables known as the R Coronae Borealis (RCB) stars and their
non-variable counterparts, the dustless Hydrogen-deficient Carbon (dLHdC) stars, provide
a wealth of information on their unique stellar evolution. These two subsets of stars form
the overarching class of Hydrogen-deficient Carbon (HdC) stars.1 While spanning a larger
temperature range (4000-8000 K) than the carbon star population (2500-6000 K, Keenan,
1993), these stars are spectroscopically similar to other carbon stars, except with very weak
or undetectable H lines and CH bands, a severe depletion in 13 C, and strong 12 C18 O bands in
the infrared (Clayton, 1996; Clayton et al., 2007; Clayton, 2012). These stars also show enhanced s-process elements, for which the primary neutron source is the 13 C(α,n)16 O reaction
(Asplund et al., 2000).
RCBs show spectacular, asymmetric declines of up to 8 magnitudes at irregular intervals
due to dust formation near the surface of the star, as well as variations due to radial oscillations at maximum light, while dLHdCs do not show such declines in brightness (Warner,
1967). Additionally, it has been suggested that RCBs are the evolutionary predecessors to
the extreme helium (EHe) stars, due to strong similarities in the abundances of the two types
(Jeffery et al., 2011; Jeffery, 2017).
The number of known HdC stars has skyrocketed in recent years due to advancements
in selecting candidates based on infrared colors (Tisserand, 2012; Tisserand et al., 2020,
2022). There are currently 157 RCB stars and 32 dLHdC stars known in the Milky Way
and the Magellanic Clouds, making them an extremely rare class of star. The population of
HdC stars within the Milky Way galaxy is focused near the bulge and the thick disk, which
contain old stellar populations. Belonging to old star regions implies that RCBs should have
formed from low metallicity clouds, a conclusion that can also be drawn by the subsolar
iron abundances of observed HdCs (Asplund et al., 2000). Population synthesis models and
lifetime estimates of RCB stars imply that there should be between 300 and 500 RCBs in
the Milky Way (Tisserand et al., 2020).
Researchers have only recently begun to find spectroscopic differences between RCBs
and dLHdCs. dLHdCs are known to have stronger 18 O in the IR (Karambelkar et al., 2021),
and are more likely to be Sr-rich than RCBs (Crawford et al., 2022). After recent analyses
by Tisserand et al. (2022) and Karambelkar et al. (2021), it seems possible that dLHdCs
and RCBs are formed by different populations of WD-mergers, as dLHdCs occupy a slightly
different space in the HR diagram. Additionally, dLHdCs appear to be more likely to have
visible Balmer lines than RCBs, and seem to have weaker CN bands. See Tisserand et al.
(2022) for an excellent discussion of dLHdCs compared to RCBs. Recent works have been
successful at finding new dLHdCs and therefore we are beginning to see the first differences
between the two types of HdC stars. For the purposes of this work, I will include both RCB
1

dLHdCs have historically been referred to simply as HdC stars. However, following the nomenclature of
Tisserand et al. (2022), I refer to them as dLHdCs to ease the confusion between them and the parent class
of HdC stars, which includes both the RCB stars and the dLHdCs.
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(as close to maximum light as possible) and dLHdC spectra in all analyses.
1.2

Formation of HdC Stars

The origin of RCB stars was originally theorized with two possible paths: a post-AGB
star undergoing a very late thermal pulse (often called a final He-shell flash or the FF
model), and the merger of a Carbon/Oxygen (CO-) and a Helium (He-) white dwarf (WD)
(Fujimoto, 1977; Webbink, 1984). Recently, the former evolutionary path has fallen out of
favor for multiple reasons. Namely, there are three stars known to have undergone a very
late thermal pulse (FF): Sakurai’s Object, V605 Aql, and FG Sge, and while these stars
do spectroscopically resemble RCB stars, they do not reflect important aspects of the RCB
spectrum such as enhanced 18 O abundance and weak 13 C (Clayton, 2012). Additionally, their
lifetimes are too short to explain the population size of known RCB stars. The WD merger
scenario, however, is strongly supported by an overabundance of 18 O as compared to 16 O,
and other unusual surface abundances measured in RCB stars (Clayton et al., 2007; Pandey
et al., 2008; García-Hernández et al., 2010; Jeffery et al., 2011). Modeling these WD merger
events provides invaluable insights into the initial conditions necessary for a star to evolve
into an RCB phase. Several attempts to model the evolution from a WD merger to the RCB
phase have been made (Longland et al., 2011; Menon et al., 2013, 2018; Zhang et al., 2014;
Schwab, 2019; Lauer et al., 2019). Most of these studies have used the 1D stellar evolution
code Modules for Experiments in Stellar Astrophysics (MESA; Paxton et al. 2011, 2013,
2015, 2018, 2019). Many of these models have been successful at replicating the 16 O/18 O
and 12 C/13 C ratios of RCB stars, as well as the average radius, mass and temperatures for
these stars.
Zhang et al. (2014) model the WD merger using both fast and slow accretion. They find
that their ‘destroyed disc’ models, which approximate direct ingestion of the accretion disc
into the envelope, can replicate the abundances shown in RCBs. Additionally, their models
favor lower mass He-WDs, at masses 0.20-0.35 M⊙ . Longland et al. (2011, 2012) use post
processing to analyze the nucleosynthesis that occurs during a hydrodynamically simulated
merger event, finding enhanced 18 O and 19 F, along with the production of 7 Li. Menon et al.
(2013) construct a compositional profile for use in MESA utilizing the hydrodynamic merger
simulations outlined in Staff et al. (2012). They extend this work in Menon et al. (2018)
to include subsolar metallicity, with similar results. In Lauer et al. (2019), a WD merger is
both simulated and evolved to the RCB phase within MESA, including a 75-isotope reaction
network to find abundances in agreement with observations. Most recently, Schwab (2019)
evolved a modified model of a Helium star and a spherically averaged 2D hydrodynamic
merger model, both with more realistic opacities with MESA, focusing more on the structure
of the RCB phase rather than the abundances. Schwab (2019) also includes a separate set
of models which are inspired by WD mergers, similar to Lauer et al. (2019) and this work.
In Chapter 1.4, I build upon the models presented in Lauer et al. (2019) to investigate
the effects of a range of initial He-burning shell temperatures and include the effects of solar
and subsolar metallicities. In Section 2.1, I describe in detail the process by which I create
my models within MESA, and present my results with a focus on structural differences.
In Section 2.2, I present a detailed account of the models’ surface abundances, including
discussion of the roles of initial He-burning shell temperature and metallicity. In Section 2.3,
2

I discuss in detail how my models differ with a focus on metallicity, production of Li,
overabundance, and C/O ratio, respectively.
1.3

18

O

The s-process in HdC Stars

The s-process abundances in HdC stars are often compared to the "strong" and "weak"
components of the Solar System s-process abundances. The former component, which makes
up the majority of these abundances, is understood as enrichment from AGB stars which
have undergone several thermal pulses and therefore a series of decaying neutron exposures,
the sum of which can be modeled as a weighted exponential neutron exposure (Beer &
Macklin, 1989). The latter component, on the other hand, can be understood as a weaker
single neutron exposure (Beer & Macklin, 1989).
One particularly unusual RCB star, U Aqr, has been recognized for its unique s-process
element distribution. In particular, the light s-process elements such as Sr, Y, and Zr are
greatly enhanced in comparison to heavier s-process elements such as Ba (see Figure 1.1)
(Bond et al., 1979; Malaney, 1985; Vanture et al., 1999). Bond referred to U Aqr as "the
star with the strongest known Strontium lines," as the blue Sr II lines at 4077Å and 4215Å
are comparable in strength to Ca H and K. Vanture et al. (1999) suggest that U Aqr’s
abundances most resemble the weak single neutron exposure component. Goswami & Aoki
(2013) also point out that the dLHdC star HE 1015-2050 has similarly strong Sr II lines
in the blue region of the spectrum. Goswami & Aoki (2013) also note that HE 1015-2050
has been observed to have emission lines consistent with those seen in RCB declines and
the star has been measured to have an overall V-band percentage polarization of ≃1.7%
(Goswami & Karinkuzhi, 2013). While these are very interesting observations that point to
HE 1015-2050 possibly being an RCB star, neither an IR excess nor a photometric decline
have been detected for this star, and therefore I continue to classify this star as a dLHdC
(see Tisserand et al., 2022 for further details).
In Chapter 2.3, I explore the Sr abundances of all known HdC stars using both models
and stellar spectra. Utilizing the models created in Chapter 1.4, in Section 3.3 I estimate
a probable neutron exposure for a typical HdC star and compare to the neutron exposures
that create the Solar System s-process abundances. In Section 3.2 I present a total of six
HdCs with similarly enhanced s-process distributions: U Aqr, HE 1015-2050, EROS2-LMCRCB-3, A249, A166, and C539. In Section 3.4 I summarize the known properties of these
stars and hypothesize why their neutron exposures could be different from other HdC stars.

1.4

Spectral Classification in HdCs

Taxonomy is used all across the sciences, and allows the direct communication of characteristic traits by simply providing an object’s class. The goal of stellar spectroscopic taxonomy
is no different– one would like to communicate stellar parameters simply. The categorization of stars into classes began with Secchi (1868) which split 4,000 spectra of stars into 5
separate classes, one of which (class IV) we now know corresponds to carbon stars. This
system was succeeded by the Draper system (Pickering, 1890), which used letters A through
3

Figure 1.1. The blue region of the spectrum for U Aqr and HE 1015-2050 with a non-Sr-rich
comparison star of similar temperature, HD 182040. Ca II H and K are denoted by vertical
red lines, Sr II λλ4077, 4215 by vertical black lines, and Ba II λ4554 by a vertical green line.
Q to describe the spectral patterns. Cannon & Pickering (1918) created the Harvard system
which rearranged the classes used in the Draper system, forming the typical order we know
of today– O, B, A, F, G, K, and M. They noted the spectral peculiarities of some stars such
as R CrB, which was later confirmed by Bidelman (1953) to be hydrogen-deficient. The final
adjustment was made in Morgan et al. (1943) which moved the classification system into two
dimensions in the Yerkes (or MKK or MK) system. Morgan (1984) coined the term “MK
Process" to describe the philosophy by which one should create, use, and maintain a stellar
classification system similar to the Yerkes system. One of the main tenets is that the system
is defined solely by its own standard spectra, with no comments on the underlying nature of
the differences in spectra.
The MK process has been used to create spectral classification systems for many other
classes of stars, one of which being the carbon star classification system (Keenan, 1993;
Barnbaum et al., 1996). Carbon stars are classified under this system into one of five types:
C-R and C-N being the most common, followed by C-J and C-H, and the rarest C-Hd. These
types are arranged according to temperature such that a star with class C-R4 and one with
class C-N4 are the same temperature. Each star is also given a C2 index that corresponds to
the strength of the C2 Swan bands. C-N stars are the most common class, characterized by
extreme redness, weak carbon isotopic bands, and enhanced s-process features. C-R stars
tend to be warmer, have intermediate strength isotopic bands, and nearly solar s-process
features. C-J stars are stars with unusually strong carbon isotopic bands, and C-H stars are
stars with exceptionally strong CH bands. C-Hd stars are the rarest class, with only three
stars classified with this type in Barnbaum et al. (1996). This class corresponds to HdC
stars, specifically dLHdCs. RCB stars have typically been avoided by classifiers due to their
unique variability. As it is not straightforward to classify HdC stars using the existing carbon
4

star criteria and recent works have rapidly increased the number of known stars, I present
a new classification system specifically for the HdC class of stars in Chapter 3.4. I describe
our observations of the HdC stars in Section 4.1. In Section 4.2 I outline the methods used
to create the classification system. The specific criteria as well as a discussion on certain
spectral features are listed in Section 4.3. Finally, I discuss a preliminary calibration of the
system in Section 4.4.
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CHAPTER 2.
MODELING R CORONAE BOREALIS STARS: EFFECTS OF
HE-BURNING SHELL TEMPERATURE AND METALLICITY
2.1

MESA Models

In order to create my evolutionary models within MESA, I utilize the process outlined in
Section 2 of Lauer et al. (2019). I use MESA version r10398 with default equations of state
and opacities, and focus on changes in the surface abundances produced by varying the
initial temperature of the He-burning shell (hereafter THe ) and the metallicity of the postmerger star. See Paxton et al. (2019) and references therein for more detailed descriptions
of the MESA equations of state and opacities. In the modeling process, I aim to mimic the
structure and composition of 3D hydrodynamic simulations of WD mergers from works such
as Staff et al. (2012, 2018). I do this in three steps.
First, I create the He-WD progenitor of the system using make_he_wd from the MESA
test suite with a 75-isotope reaction network called mesa_75.net. I assume that this He-WD
will be completely disrupted in the merger process, and thus the elements will be thoroughly
mixed. Under this assumption, I calculate a mass-averaged abundance profile for this HeWD and adopt it as my envelope composition profile in the merged object. For the core of
the merged object, I assume that the progenitor CO-WD will be 50% C and 50% O. Note
that this process assumes that the final composition of the post-merger object is spherically
symmetric, which is not always the case. Similarly to previous studies, I do not consider
dredge up from the CO-WD in the merger process, although Staff et al. (2012, 2018) shows
that it may be a component to be considered (Menon et al., 2013, 2018; Lauer et al., 2019).
In the second step, I adjust the stellar structure of a typical star in a process I call
‘stellar engineering’. I begin by evolving a 0.8 M⊙ star from pre-main sequence using the
same reaction network as before, mesa_75.net, until the star has a degenerate core. The
mass of this star sets the mass of the post-merger object. I then stop the evolution and
adjust the composition of the inner 0.55 M⊙ or the core of the star to that of my COWD progenitor, and adjust the outer 0.25 M⊙ or the envelope composition to that of my
mass-averaged He-WD progenitor. After the composition is changed, I apply an entropy
adjusting procedure at the base of the He-rich envelope to expand the star to a structure
that mimics the temperature and density profile found at the end of my hydrodynamical
merger simulations (Shen et al., 2012; Schwab et al., 2016). An example of one such entropy
adjustment can be found in Figure 1 of Lauer et al. (2019). The amount of entropy injected
into these models is proportional to the initial radius of the expanded object before any
evolution, and inversely proportional to the initial peak temperature of the profile. This
peak temperature of the initial profile is THe , the initial temperature of the helium-burning
shell of the post-merger object, and is analogous to the temperature of the “Shell of Fire” in
Staff et al. (2012, 2018). The model can be adjusted to a different total mass by beginning
This chapter was previously published as: Modelling R Coronae Borealis Stars: effects of He-burning
shell temperature and metallicity Courtney L. Crawford, Geoffrey C. Clayton, Bradley Munson, Emmanouil
Chatzopoulos, and Juhan Frank (2020), MNRAS, Volume 498, Issue 2, pp.2912-2924, Oxford University
Press. DOI: 10.1093/mnras/staa2526
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this step with the desired total mass, and the relative location of the constituent WDs can
be adjusted during the composition and entropy adjusting procedure.
Once I have my post-merger object engineered, I evolve the models in MESA with typical
stellar astrophysics, through the RCB and EHe phases until the post-merger stars return to
a WD phase. The models assume an initial rotational velocity on the equator of 20% of
the critical Keplerian velocity, however they do not include elemental diffusion due to this
rotation. All diffusion and mixing is due to traditional mixing length theory (Cox & Giuli,
1968).
Tisserand et al. (2009, 2011) show that most RCB stars have photospheric temperatures
between 4000 and 8000 K, and have absolute V magnitudes between -5 and -3.5. Therefore,
I define the region of the HR diagram with log(Teff ) between 3.6 and 3.9, and log(L) between
3.6 and 4 to be the locus of the RCB stars. As seen in Figure 2.1, the models evolve upwards
in the HR diagram to a maximum luminosity within the RCB locus, and then evolve leftwards
as the surface temperature increases. I denote the time period from the point in the evolution
of maximum luminosity and minimum temperature until the model evolves leftward out of
the RCB locus as “the RCB phase”, and all of RCB surface abundances noted in this work
are recorded at the first time step within this phase.
Using this initialization process, I created a total of 18 models, listed in Table 2.1. Half
of these are of solar metallicity (denoted by SOL), as has been used in Lauer et al. (2019),
Menon et al. (2013), Zhang et al. (2014), Longland et al. (2011), and Schwab (2019). The
other half of the models use a subsolar metallicity (denoted by SUB), specifically 10% of solar
values, or Z = 0.002. This is motivated both by the observed iron abundance of RCB stars,
and because they reside in old star regions such as the bulge and Magellanic clouds. Menon
et al. (2018) also uses a subsolar metallicity of Z = 0.0028. Both of these values of subsolar
metallicity are within the range of observed RCB abundances for Fe, -2.0 < [Fe/H] < -0.5.
For each of the metallicities, I use a range of THe , the values of which are outlined in the
third column of Table 2.1. Each model is identified with either SOL or SUB, corresponding
to its metallicity, and a decimal corresponding to the log(THe ). For comparison, the range
in THe used in other RCB studies is listed in Table 2.2.
Menon et al. (2013, 2018) find that they were only able to reproduce observed RCB
abundances with the inclusion of a particular mixing prescription reaching down to a precise
depth, and ending before the beginning of the RCB phase of evolution. Lauer et al. (2019)
utilize rotationally induced mixing and the default MESA mixing length theory. I include
rotationally induced mixing, as described in Lauer et al. (2019), and thus mixing occurs
naturally during the evolution of the model.

7

Model ID
SOL8.33
SOL8.39
SOL8.44
SOL8.48
SOL8.53
SOL8.57
SOL8.65
SOL8.69
SOL8.73
SUB8.33
SUB8.39
SUB8.44
SUB8.48
SUB8.53
SUB8.57
SUB8.65
SUB8.69
SUB8.73

Z
Solar
Solar
Solar
Solar
Solar
Solar
Solar
Solar
Solar
Sub
Sub
Sub
Sub
Sub
Sub
Sub
Sub
Sub

Log(THe )
(K)
8.33
8.39
8.44
8.48
8.53
8.57
8.65
8.69
8.73
8.33
8.39
8.44
8.48
8.53
8.57
8.65
8.69
8.73

Table 2.1. RCB MESA Models
RCB Radius RCB Mass
Max L
log(Teff )
(log(R/R⊙ ))
(M⊙ )
(log(L/L⊙ ))
(K)
2.09
1.96
1.96
1.96
1.98
2.00
2.11
2.17
2.26
1.92
1.78
1.75
1.75
1.90
1.96
2.08
2.18
2.24

0.79
0.80
0.80
0.80
0.80
0.79
0.79
0.79
0.79
0.79
0.80
0.80
0.80
0.80
0.80
0.80
0.79
0.80

4.22
4.06
4.05
4.04
4.03
4.02
4.01
3.99
3.99
4.28
4.08
4.04
4.02
4.02
4.02
4.00
4.00
3.98
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3.77
3.80
3.79
3.79
3.78
3.77
3.71
3.67
3.63
3.87
3.90
3.90
3.88
3.82
3.79
3.72
3.67
3.64

Time to
RCB
(102 yrs)
2.1
5.3
5.8
6.3
8.2
8.7
9.1
9.0
8.3
1.5
4.6
7.0
8.6
8.7
8.6
9.4
9.2
8.7

RCB
Lifetime
(104 yrs)
1.2
1.5
1.7
1.6
1.5
1.5
1.2
1.2
1.0
1.9
2.6
2.7
2.4
1.9
1.6
1.3
1.1
1.0

EHe
Lifetime
(103 yrs)
8.3
10.9
9.3
9.4
9.0
9.3
6.7
6.8
6.1
14.4
18.7
19.3
16.1
12.0
9.8
7.0
5.6
5.5

EHe Mass
(M⊙ )
0.60
0.60
0.60
0.60
0.60
0.60
0.59
0.59
0.58
0.61
0.62
0.62
0.62
0.61
0.60
0.59
0.59
0.58

Table 2.2. THe in Previous Studies.
Work
log(THe )
Clayton et al. (2007)
8.22
Lauer et al. (2019)
∼8.45 - 8.70
Zhang et al. (2014) (Slow Accretion) ∼8.29 - 8.35
Zhang et al. (2014) (Fast Accretion)
∼8.40 - 8.45
Menon et al. (2018)
8.08 and 8.40
Menon et al. (2013)
8.11 and 8.38
Schwab (2019)
∼8.2 - 8.4
Longland et al. (2011)
∼8.5
Munson et al. (2021)
∼8.38
Staff et al. (2018)
∼7.84 - 8.4
Figure 2.1 shows the evolution of the models within the HR diagram. The evolution
begins with a short relaxation within MESA before the luminosity increases at approximately
constant surface temperature, until reaching the RCB locus on a timescale of ∼102 years.
The star remains at this peak luminosity, minimum temperature phase for ∼104 years, after
which it moves quickly leftwards, leaving the RCB locus, and entering the region where the
EHe stars reside. The star passes through this EHe region in ∼103 years, rapidly shrinking
due to mass loss until it reaches degeneracy and turns onto the WD cooling track. A notable
result is that the models with lower THe produce RCBs with higher Teff . This effect occurs
because the high temperatures within the He-burning shell drive increased energy generation,
pushing the radius of the star further outward, and reducing Teff . This can be confirmed in
Figure 2.2 as I see that the Teff and the radius of the RCB phase are inversely correlated.
Another clear evolutionary effect, most evident in Figure 2.1, is that the models with the
lowest THe within each metallicity subset congregate around a single Teff . For solar models
this is log(Teff ) ∼ 3.8 and for subsolar models this is log(Teff ) ∼ 3.9. Conversely, at large THe
the two metallicity subsets are indistinguishable from each other, and instead their radius
and temperature depends only on THe , rather than metallicity (best seen in Figure 2.2).
Additionally, I calculate the time that each model spends in the RCB phase, shown in
Figure 2.3. This is calculated by first locating the beginning of the RCB phase, which is
where the star has its peak luminosity and minimum Teff . Then, I calculate the age where
the star exits the left side of the RCB locus. The difference between these two times is the
RCB lifetime. I find that this lifetime is largely dependent on the rate of mass loss going on
in the star. The models spend on the order of 104 years in the RCB phase, see Table 2.1.
The subsolar models spend more time in this phase on average, which I expect as lower
metallicity stars exhibit slower mass loss (Leitherer et al., 1992; Lamers et al., 2000) and
thus spend more time in RCB phase before evolving leftwards. I note, however, that the
Blöcker wind prescription (Eqn 2.1, (Blöcker, 1995)) does not explicitly contain metallicity
as a parameter. Note that this form of the Blöcker mass loss has been simplified in order to
emphasize the scaling relationships due to mass, radius, and luminosity.
M˙ B = 1.932 ∗ 10−21 η L3.7 RM −3.1

(2.1)

The subsolar metallicity models have smaller radii due to their lower opacity, and although
9

Figure 2.1. The path of evolution within the HR diagram for my 18 models. The left and
right sides correspond to solar and subsolar metallicity, respectively. The bottom two panels
are the same tracks as the top two, centered around the RCB locus. Each colored track
corresponds to a different THe , labeled in the legend on the right side.
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Table 2.3. η Values for Blöcker AGB winds.
Work
η
This Work
0.075
Lauer et al. (2019)
0.005
Zhang et al. (2014)
0.02 and 0.1
Menon et al. (2018)
0.05
Schwab (2019)
0, 0.01, 0.02, and 0.05
Table 2.4. Models with η = 0.005
Model ID EHe Mass RCB lifetime EHe lifetime
(M⊙ )
(105 yr)
(104 yr)
SOL8.39
0.70
1.4
1.7
SOL8.69
0.68
1.3
1.4
SUB8.39
0.72
1.6
1.9
SUB8.69
0.67
1.3
1.4
the radius has a weaker scaling than luminosity, the large decrease in radius dominates and
decreases the mass loss in spite of slightly higher luminosities. I also see that the curve has
an overall negative slope; stars with a higher THe spend less time in the RCB phase, and
evolve more quickly. Similarly to the metallicity case, the models with higher THe have larger
radii, and slightly lower luminosity, however the increase in radius dominates and increases
the mass loss for these models.
As mentioned, the RCB lifetime I calculate is largely dependent on the adopted mass loss
prescription. These models utilize a typical Blöcker AGB wind prescription with efficiency
parameter η = 0.075 (Blöcker, 1995). See Schwab (2019) for an excellent discussion on the
effects of varying η. Table 2.3 lists the values of η used in previous RCB modeling. To
investigate the effects of efficient winds on my models, and to confirm that the lifetime is
dependent on mass loss, I ran my SOL8.39, SOL8.69, SUB8.39, and SUB8.69 models with
η = 0.005 as was used in (Lauer et al., 2019). This is an order of magnitude less efficient
mass loss than is used in the models presented here. The evolution of surface abundances
is not affected by the value of η. The main effects of changing η are the lifetime of the
star in the RCB locus and the final mass of the RCB star. These reduced η models have
significantly longer RCB and EHe lifetimes, on the order of 105 and 104 , respectively, and
are more massive when they leave the RCB locus and become EHe stars. This information
is summarized in Table 2.4.
2.2

Surface Abundances

All surface abundances in this paper are calculated using the typical expression,
log ϵ(X) = log(X) − log(µX ) + 12.15

(2.2)

where X represents the surface mass fraction of the element and µX is the mean atomic mass
of that element. I define the surface zones where I measure the abundances to be those with
11

Figure 2.2. The relationship between radius and Teff in the RCB phase as a function of the
He-burning shell temperature, THe . Points marked with a circle indicate solar metallicity,
and those marked with a star indicate subsolar metallicity. Radius and effective temperature
trends are denoted by the colors blue and red, respectively.
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Figure 2.3. The relationship between THe and the lifetime of the RCB phase. The solar
models are marked by blue filled circles, and the subsolar models are marked by orange
stars. The RCB phase lifetime is in units of 104 years.
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optical depth < 1. This value represents the log of the number of ions of element X in a
sample that is assumed to contain a total of 1012.15 ions. A detailed account of all tabulated
surface abundances is included in Table 2.5.
I compare the surface abundances from the models to those measured from observations.
The bulk of these values for the observed RCBs and EHe stars comes from Jeffery et al.
(2011), which aggregates data from a range of works such as Asplund et al. (2000) and Pandey
et al. (2008). I also compare to the abundances calculated for the Sun (Lodders, 2003). A
complete representation of the models’ surface abundances compared to the observations is
presented in Figure 2.4. In Figure 2.5 I present the trend of surface abundances for a select
few elements as a function of THe for both metallicities.
The formation of RCB stars by the merger of a CO- and a He-WD binary is now well supported. Previous models, listed in Table 2.2, can account for the main observed abundance
peculiarities seen in the RCB stars, namely the 16 O/18 O and 12 C/13 C ratios, F abundances,
the C, N, O, Ne, and s-process abundances. A mixture of the products from H- and Heburning are needed, in particular, to account for the high N abundance, implying an RCB’s
surface exhibits CNO-cycled material. The initial temperature of the He-burning shell (THe )
is of critical importance, as when THe increases above 2 ×108 K, the N abundance decreases
to below RCB star levels.
The key reactions which lead to the observed RCB star surface abundances are 13 C(α,n)16 O
and 14 N(α,γ)18 F(β + )18 O(α,γ)22 Ne. The former reaction burns away nearly all of the 13 C, increasing the 12 C/13 C ratio and providing neutrons for s-processing. If the latter reaction proceeds partially, it leads to a large increase in 18 O although the isotope will eventually be fully
converted into 22 Ne if the reaction is allowed to proceed to completion. Therefore, the mixing
of this partially burned material, 18 O, to the surface must happen fairly early in the evolution
of the RCB star. This second reaction also causes the O abundance to increase while the
triple-α reaction slowly increases 12 C. THe is generally not high enough for 12 C(α,γ)16 O to
proceed strongly. Large amounts of 19 F are also created by 14 N(n,p)14 C(p,γ)15 N(α,γ)19 F and
18
O(p,γ)19 F. However, the reaction network does not contain the isotope 14 C, and thus I am
unable to track the neutron poison reaction 14 N(n,p)14 C. Additionally, if there is a remnant
H-shell around the CO-WD, then that hydrogen will get mixed into the envelope during
the merger, allowing p-capture reactions to proceed. This can have the effect of increasing
16
O/18 O and decreasing 12 C/13 C if they become too extreme (Clayton et al., 2007).
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Table 2.5. Model Abundances. RCB majority abundances are taken from Asplund et al. (2000), and Solar values are taken
from Lodders (2003).
12
16
Model ID
Li
C
C/13 C
N
O
O/18 O
C/O
F
Ne
6
SOL8.33
0.85
7.5
15
8.79
7.74
1.4 x 10
0.58
2.77
7.85
2
SOL8.39
1.04
7.5
2.1 x 10
8.78
7.88
3.24
0.42
4.54
7.85
SOL8.44
2.32
7.57
5.5 x 107
8.59
8.49
0.25
0.12
5.0
7.88
8
SOL8.48
2.56
7.73
1.6 x 10
8.18
8.74
0.13
0.09
5.44
8.01
8
SOL8.53
2.64
8.21
1.0 x 10
7.05
8.71
0.14
0.32
6.17
8.45
SOL8.57
2.64
8.58
1.4 x 108
6.89
8.5
0.23
1.20
6.62
8.68
9
SOL8.65
2.59
9.25
1.8 x 10
6.28
7.95
2.88
19.95
7.18
8.83
SOL8.69
2.44
9.54
6.9 x 109
5.94
7.88
13.8
45.71
7.36
8.81
10
SOL8.73
2.28
9.75
1.3 x 10
5.55
8.19
102
36.31
7.42
8.77
6
SUB8.33
4.6
7.54
427
8.05
7.31
1.79 x 10
1.70
1.26
7.13
SUB8.39
5.46
7.66
8.32
7.99
7.38
1.1 x 103
1.91
3.23
7.13
7
SUB8.44
3.95
7.75
2.88 x 10
7.77
7.81
1.07
0.87
4.41
7.16
8
SUB8.48
5.73
8.25
8.51 x 10
6.67
7.97
0.58
1.91
5.66
7.63
SUB8.53
6.2
8.84
9.0 x 109
6.83
7.99
5.5
7.08
6.74
7.9
9
SUB8.57
6.41
9.07
1.62 x 10
6.51
7.77
11.5
19.96
7.01
7.94
SUB8.65
6.33
9.43
1.78 x 1010
5.28
7.63
66.1
63.10
6.85
7.96
10
SUB8.69
6.27
9.64
2.24 x 10
4.76
7.9
309
54.95
6.68
7.94
10
3
SUB8.73
6.22
9.81
2.82 x 10
4.41
8.1
1.1 x 10
51.29
6.68
7.92
RCB Majority 2.6–3.5 7.7–8.9
>500
8.3–9.1 7.5–9.0
∼1
∼1 6.9–7.2 7.9–8.9
Sun
1.1
8.4
89
7.8
8.7
500
0.5
4.5
7.9
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2.2.1

Carbon, Nitrogen, and Oxygen

Carbon, nitrogen, and oxygen are distinctly linked together in the CNO-cycle. The dominant
product of complete H-burning via the CNO-cycle is N, since 14 N has the smallest nuclear
p-capture cross section of the stable CNO elements (Clayton et al., 2007). However in RCB
stars, C is the most abundant with N second and O third.
Carbon is the primary source of opacity in RCB atmospheres. Its abundance has been
difficult to measure directly because of saturated C I lines in the spectra. Therefore, previous
studies typically made an assumption as to the value of the C/He ratio, leading to the
discrepancy between model atmosphere predictions and observations known as “the carbon
problem” (Asplund et al., 2000). I compare the models to the more accurate abundances
directly measured using C2 bands for RCB stars (Hema et al., 2012), and those from Jeffery
et al. (2011) for EHe stars. For discussion regarding the abundance of the isotope 13 C, see
Section 2.2.3.
Nearly all RCB stars show enriched N abundances relative to solar, with the majority
RCBs having an average abundance of 8.65, 0.75 dex higher than the solar value. This is
curious considering the lack of H in these stars, and thus the unavailability of H replenishment throughout the CNO cycle. Further, the majority RCBs in my sample have an average
[N/Fe] = 1.7, which is higher than what can be achieved solely through CNO-cycling, therefore there must be some contamination due to He-burning products (Asplund et al., 2000).
The dominant reaction that destroys N is 14 N(α,γ)18 F(β + )18 O, which produces an element
integral to the identification of RCB stars (see Section 2.2.4), and is responsible for a decrease
the N abundance.
Oxygen is the least abundant CNO element in RCB stars. The α-capture reaction with
the largest cross section, and thus the first reaction to occur at the onset of He-burning, is
13
C(α,n)16 O. Thus, 16 O is quickly enhanced. Additionally, I identified another important
reaction chain, 14 N(α,γ)18 F(β + )18 O(α,γ)22 Ne. Both of these important α-captures, as well
as the CNO-cycle, play a large role in the observed abundances of O in RCBs. In addition
to being the least abundant CNO element, O also exhibits the largest spread in observed
abundances among the RCB stars, spanning a range of 1.5 dex in the majority sample alone,
whereas C spans 1.2 dex and N spans 0.8 dex. The RCBs have an average abundance of
log ϵ(ORCB ) = 8.2, ranging from 7.5 to 9.0, with the EHes being slightly more abundant at
log ϵ(OEHe ) = 8.6, ranging from 7.5 to 9.7 (Jeffery et al., 2011). The reason for this large
spread in observations is not easily explained.
In Figures 2.4 and 2.5, I present the CNO abundances of the models. The models show
a monotonic increase in C abundance with respect to THe , whereas N is the only element to
show a monotonic decrease with respect to THe . O abundance is mostly steady with THe , with
slight oscillations from the mean. It is clear that the C abundance does not depend strongly
on the metallicity of the RCB, as the range of calculated values is nearly the same for the
SOL and SUB models. Only the coldest models lie within the range of N observations. The
reduction of N as THe increases can be traced in Figure 2.6, which shows the dependence of
the conversion of 14 N into 18 O on THe . I can see clearly that the abundance of N is primarily
dependent on the temperature of the He-burning region and by extension the strength of
the α-captures on 14 N. Therefore, in order for the RCB models to retain their enrichment in
N, they must have a He-burning shell initially cool enough to prevent its rapid destruction.
16

Figure 2.4. The observed surface abundances from of known majority RCBs, minority RCBs,
and EHe stars are marked by red, blue, and green stars, respectively. The SOL and SUB
models are marked by colored squares and triangles, respectively, where the color indicates
the log(THe ) for that model according to the color bar on the right.
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Figure 2.5. The logarithmic abundances by number as a function of THe . The upper panel
contains solar metallicity models, and the lower panel contains subsolar metallicity models.
Each colored line represents a different element according to the legend on the right.
18

Since the spread in observed O abundances is so large, it appears that nearly all of the
models fit within the observations, the exceptions being the two coldest subsolar models.
The relative agreement of the models with observations for these three elements is marked
in Table 2.6.
Combining the C abundances for 11 RCB stars derived from the C2 bands with measured
O abundances for the same stars, I find that C/O∼1 (Asplund et al., 2000; Hema et al., 2012).
The individual ratios range from 0.5 to 3.98. It is likely that C/O>1 for all of the RCB stars.
In the spectra of the stars cool enough to display molecular bands, CO is the only oxygen
molecule seen along with C2 and CN bands. Also, C60 has been detected in DY Cen and
possibly V854 Cen (García-Hernández et al., 2011). No molecules such as TiO, seen in cool
stars with C<O, are detected in any RCB star. In addition, there is strong evidence that the
dust forming around RCB stars is entirely amorphous carbon. The IR spectral continuum
is featureless and there is no sign of silicate features. So it is likely that after the C and O
combine in the cool RCB stars, there is leftover C to make carbon molecules and dust.
Figure 2.7 shows that the C/O ratios in the models increase dramatically at high temperatures. At these kinds of temperatures, the triple-α reaction is occurring at a very high rate,
but the models are not hot enough to efficiently convert that C into O through α-capture.
The cooler solar models have C/O ratios that are much smaller than one, whereas the cooler
subsolar models are all very near C/O = 1, the desired region.
2.2.2

Neon

There are only four RCBs with measured Ne abundances: Y Mus, V3795 Sgr, ASAS-RCB8, and V532 Oph (Asplund et al., 2000; Hema et al., 2017). These four RCBs have Ne
abundances ranging from logϵ(Ne) = 7.9 to 8.6, which are at or slightly above the Solar
value of 7.95. The EHe stars are, in general, appreciably overabundant in Ne (Bhowmick
et al., 2020). The EHes range from logϵ(Ne) = 7.6 to 9.6. As discussed above, 22 Ne is the
resultant element from the important reaction chain from 14 N to 18 O to 22 Ne. It also can be
a source of neutrons at very high temperatures due to the reaction 22 Ne(α,n)25 Mg.
Figure 2.5 shows that as THe increases, the abundance of Ne also increases, although very
slightly. Where the models fit in with the observations is shown in Figure 2.4. Unsurprisingly,
the subsolar models have an appreciably smaller abundance of Ne, by about 1 dex, since the
N abundance is similarly lower. The models which agree with the observations are marked
in Table 2.6. Upon further inspection of these models, I find that in the cooler models the
most abundant isotope of Ne is 20 Ne, as is typical. However, as I move to the hotter models,
the most abundant isotope is 22 Ne. This follows from the total conversion of 18 O into 22 Ne
occurring at higher temperatures, whereas at lower temperatures the dominant source of Ne
is 16 O(α,γ)20 Ne. Both of these isotopes,20 Ne and 22 Ne, can undergo another α-capture to
produce 24 Mg + γ and 25 Mg + neutron, respectively. The abundances of these two isotopes
of Mg track well with the respective Ne isotopes.
2.2.3

13

C

The 12 C/13 C ratio is one of the key methods of distinguishing between RCB stars and carbon
stars. In general, RCB stars have no detectable 13 C and 12 C/13 C ≳ 100 while in cool carbon
19

Figure 2.6. The blue, orange, and green lines track the logarithmic abundance logϵ(X) for
N, 18 O, and Ne in the models as a function of THe . The red line shows the sum of these three
elements. The upper panel contains solar metallicity models, and the lower panel contains
subsolar metallicity models.
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Figure 2.7. C/O ratio vs THe for the SOL models (blue closed circles) and the SUB models
(orange stars).
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Figure 2.8. 12 C/13 C as a function of THe for solar (blue closed circles) and subsolar (orange
stars) models.
stars the ratio is typically < 100 (Fujita & Tsuji, 1977). However, a few RCB stars do have
detectable 13 C. V CrA, V854 Cen, VZ Sgr, and UX Ant have measured 12 C/13 C ≲ 25 (Rao
& Lambert, 2008; Hema et al., 2017).
13
C also plays a critical role in the nucleosynthesis of RCB stars where it is the first αcapture reaction to occur at the onset of He-burning, 13 C(α,n)16 O, is the dominant source of
neutrons used in synthesizing s-process elements, which are enhanced in RCB stars (Clayton
et al., 2007). As the 13 C neutron reaction progresses, the 12 C/13 C ratio will begin to increase
dramatically as the 13 C abundance drops to nearly zero. Most RCBs show no 13 C features in
their spectra (Tisserand et al., 2020), making it hard to have an exact estimate of 12 C/13 C.
Figure 2.8 shows the trend of 12 C/13 C ratio as a function of THe for the models. The two
coldest models for both metallicities have much smaller values of this ratio than the other
models, which have nearly zero 13 C. As known RCBs have quite large 12 C/13 C ratios, this
constrains us to favor the warmer models, those with log(THe ) > 8.40, marked in Table 2.6.
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2.2.4

18

O and

19

F

The large overabundance of 18 O and 19 F measured in RCB stars is unique to these stars
and therefore key to their identification. Warner (1967) predicted that RCB stars would
be enriched in 18 O, and 40 years later it was confirmed when it was discovered that RCB
stars with measurable CO bands show greatly enhanced 18 O relative to 16 O (Clayton et al.,
2005, 2007). Most RCB stars exhibit ratios of 16 O/18 O on the order of unity, as opposed to
the solar value of 500. 19 F is enhanced 800 to 8000 times compared to solar values (Pandey
et al., 2008; Bhowmick et al., 2020).
While EHe stars are not cool enough to exhibit the CO bands necessary to measure the
oxygen isotopic ratio, they do show enhanced 19 F, cementing the proposed close evolutionary
relationship with the RCB stars. The enhancement of 18 O and 19 F has been the most
compelling evidence for the WD-merger formation, rather than a final helium shell flash,
since the latter contains temperatures that would convert 14 N completely into 22 Ne, rather
than stopping in the middle at 18 O (Clayton et al., 2007).
Figure 2.9 shows the dependence of the O isotopic ratio on THe . This curve follows closely
to the inverse of the 18 O curve from Figure 2.6, since the reaction 14 N(α,γ)18 F(β + )18 O(α,γ)22 Ne
is what controls the abundance of this isotope. The abundance of 22 Ne increases as the abundances of 14 N and 18 O decrease.
Figure 2.5 shows the trend of F abundance as a function of THe , and Figure 2.4 shows
where the models fit into the observations. It is clear that the F enhancement occurs at
higher THe , thus favoring a higher temperature model. As THe increases in the models, the
α-capture reactions happen more rapidly, allowing both the creation of more 18 O that will
then p-capture to 19 F, and the direct creation of F from 15 N. However, the trend plateaus at
the highest temperatures where 18 O is preferentially converted into 22 Ne by α-capture. The
models that lie within the observed range of values are marked in Table 2.6.
2.2.5

Lithium

Of the known RCB stars, only four show the presence of Li, including the eponymous R CrB
itself (Asplund et al., 2000). Clayton et al. (2007) asserted that the production of Li was
very hard to explain in a WD-merger scenario, especially in combination with an enriched
18
O environment. However, Longland et al. (2012) posits that the observed Li abundance
is related to the viewing angle of the RCB star, since a true post-merger object will not be
spherical. They suspect that the Li is formed and transported to the surface through the
Cameron-Fowler mechanism (Cameron & Fowler, 1971), and then resides to late times in
a thick accretion disk around the equator of the RCB star. Li enhancement may only be
detected if the star is viewed edge-on, directly probing this thick accretion disk. However,
there is no observational evidence of disks in RCB stars, and the post-merger object will
become spherical within a few dynamical timescales (Schwab et al., 2012; Lauer et al., 2019;
Schwab, 2019). Lauer et al. (2019) show that MESA models can exhibit Li on the surface
of RCB stars without invoking a disk.
As shown in Figures 2.4 and 2.5, one of the biggest differences between the two different
metallicities is the surface abundance of Li. For solar models, the Li abundance on the
surface (log ϵ(Li)) is between 0.85 and 2.64, whereas the subsolar models have much higher
23

Figure 2.9. 16 O/18 O vs THe for the SOL models (blue closed circles) and the SUB models
(orange stars).
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Li abundances, between 3.95 and 6.41. The four observed Li abundances are between 2.6 and
3.5. The models that lie within the observations are marked in Table 2.6. The Li abundance
is also expected to be somewhat independent of metallicity since it depends mainly on the
3
He abundance in the progenitor WDs (Longland et al., 2012). Production of new Li depends
on the Cameron-Fowler mechanism (3 He(α,γ)7 Be(e− ,ν)7 Li) and the abundance of 3 He.
Our SOL models begin their post-merger evolution with a 3 He mass fraction on the order
of 10−9 and a 7 Li mass fraction on the order of 10−9 . These values agree with those from
Zhang et al. (2014) and Lauer et al. (2019). However, the SUB models begin with a higher
mass fraction of these elements, 3 He mass fraction on the order of 10−6 and 7 Li mass fraction
on the order of 10−5 . This difference is due to the way that MESA creates the He-WD. The
test-suite function make_he_wd in MESA completes relaxation to WD phase by performing
mass loss on the degenerate object until it reaches a set mass, which I set to 0.15 M⊙ . This
mass is the same for both the SOL and SUB progenitors, and is scaled up to 0.25 M⊙ when I
create the RCB models. However, the He core in the SUB models is slightly smaller, and thus
relaxing the He-WD to an equivalent mass as the SOL He-WD results in a small envelope
that is slightly enriched in H, 3 He, and 7 Li. Thus, the progenitor for the SUB models is a
He-WD with 0.024 M⊙ hydrogen envelope that is slightly enriched in these elements.
While the difference between the SOL and SUB progenitors is very small, the effects are
not negligible. Converting the quoted mass fractions to abundances, I find that the solar
models begin with a surface abundance (log ϵ(Li)) of 2.3 and the subsolar models begin with
log ϵ(Li) of 6.3. Both of these values are very near to the upper bound of the RCB surface
Li for the models. Curiously, the coldest models are at the lower bound of the range of
surface Li, undergoing significant destruction of Li. The hotter models, then, must either
have less Li consumption, or a similar amount of consumption accompanied with enhanced
Li production due to the Cameron-Fowler mechanism. Additionally, I note that the reaction
network, mesa_75.net does not include the important reaction 7 Li(α,γ)11 B. This reaction
is 8 orders of magnitude more effective than the α-capture on 14 N (Clayton et al., 2007),
which is paramount to the existence of surface 18 O (see Sections 2.2.1– 2.2.4). Munson et al.
(2021) shows that the inclusion of 11 B in the reaction network does significantly reduce the
surface abundance of Li. Nevertheless, the RCB surface Li is strongly dependent on how
much of the Li from the He-WD progenitor survives the WD merger, as it is certain that
some Li would be destroyed in a merger event, the effects of which the models do not trace.
The existence of surface Li in RCBs merits its own study.
2.3

Discussion

In order to understand how RCB stars form and evolve, I must first understand the initial
conditions created by the WD-merger events. In particular, I investigate two important
parameters: the metallicity of the envelope, and the initial temperature of the He-burning
shell, THe . The composition of the post-merger object depends on the metallicity of the
progenitors. What sets the initial temperature of the He-burning shell is less well understood.
Previous studies have been guided by SPH and grid-based 3D hydro merger simulations.
A number of q=0.7 simulations, which mimic an RCB-type WD merger, produced a range
of “Shell of Fire” (SOF) temperatures (analogous to my THe ) of 1–2 ×108 K for both grid
25

Table 2.6. Agreement with observations for each model and element.
indicates how many criteria are met for each model.
Model ID Li
C 13 C N
O 16 O/18 O C/O F
SOL8.33
no no no yes yes
no
no
no
SOL8.39
no no no yes yes
yes
no
no
SOL8.44
no no yes yes yes
yes
no
no
SOL8.48 yes yes yes yes yes
yes
no
no
SOL8.53 yes yes yes no yes
yes
no yes
SOL8.57 yes yes yes no yes
yes
yes yes
SOL8.65 yes no yes no yes
yes
no yes
SOL8.69
no no yes no yes
no
no yes
SOL8.73
no no yes no yes
no
no yes
SUB8.33
no no no yes no
no
yes no
SUB8.39
no no no yes no
no
yes no
SUB8.44
no yes yes yes yes
yes
no
no
SUB8.48∗ no yes yes no yes
yes
yes yes
SUB8.53
no yes yes no yes
yes
yes yes
SUB8.57
no no yes no yes
no
no yes
SUB8.65
no no yes no yes
no
no yes
SUB8.69
no no yes no yes
no
no yes
SUB8.73
no no yes no yes
no
no yes
∗
Denotes the preferred model

The rightmost column
Ne
yes
yes
yes
yes
yes
yes
yes
yes
yes
no
no
no
yes
yes
yes
yes
yes
yes

Fe total
no
3
no
4
no
5
no
7
no
7
no
8
no
6
no
4
no
4
yes
3
yes
3
yes
6
yes
8
yes
8
yes
5
yes
5
yes
5
yes
5

and SPH codes with and without AMR (Staff et al., 2018). The THe used in previous MESA
models of RCB stars were based on these grid-based hydro simulations (Menon et al., 2013,
2018; Lauer et al., 2019), and SPH simulations (Longland et al., 2011; Zhang et al., 2014).
The THe assumed in these studies are summarized in Table 2.2. The values of THe in most
of these studies are lower than those used for the models in this study, but most do not
include energy generation from nucleosynthesis and thus should be considered lower limits.
The resulting THe from merger events depends on q and total mass such that a higher mass
ratio merger produces a slightly lower SOF temperature, and a larger total mass system will
produce a higher SOF temperature (Staff et al., 2018).
There is evidence from the surface abundance of elements, such as Fe which is not affected
by nucleosysnthesis, that the progenitor stars were metal poor. Similarly, the distribution of
the RCB stars on the sky seems to indicate a bulge or old-disk population (Clayton, 2012;
Tisserand et al., 2020). The measured Fe abundances range from 5.5 to 6.8 while the solar
value is 7.5. Thus, if the Fe abundance is an indication of metallicity then a reasonable
value would be ∼1/10 Solar. Inspired by this, I computed a set of models with Solar (SOL)
and Subsolar (SUB) progenitor metallicities to see how this variation affects the final surface
abundances. It should be noted that there may be problems with assuming Fe is a metallicity
indicator (Lambert & Rao, 1994; Asplund et al., 2000).
In the subsolar models, I see diminished abundances of all elements with the exception of
C and Li. The C abundances are relatively unaffected by metallicity, as the extremely large
abundance of He allows for constant replenishment of C due to the triple-α reaction, and the
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Li abundances, as I discussed in Section 2.2.5, are strongly dependent on the assumptions
made about the progenitor He-WD. The diminished abundances (approximately one dex)
of the other elements is expected as these models begin their evolution with 10% solar
metallicity. The abundances of N, O, and Ne roughly scale with metallicity. The 14 N
abundance is set by the progenitor metallicity, and, as discussed above, 18 O and 22 Ne are
mostly formed from α-captures on 14 N (Jeffery et al., 2011).
The consistency in the C abundances across the solar and subsolar metallicities leads to
a strong difference in the C/O ratios. As shown in Figure 2.7, the solar models at cooler THe
have C/O ratios that are far too small, with SOL8.44 and SOL8.48 having C/O = 0.12 and
0.09, respectively. However, at subsolar metallicities the O abundance has been diminished
by approximately one dex while keeping the C abundances roughly the same. Thus, the C/O
ratios are ∼1 for the cooler subsolar models, near the expected the ratio for RCB stars.
The choice of the initial Helium-burning shell temperature (THe ) is very important in
determining the final surface abundances in the RCB star models. The CNO abundances
depend on correctly balancing the strength of the CNO cycle and He-burning at the base
of the envelope. The most difficult of these three elements to replicate is the N abundance,
which drops off steeply with increasing THe , as seen in Figures 2.5 and 2.6.
I find that the temperature at which I get the best agreement for CNO is in the range
of log(THe ) ∼ 8.43 - 8.50. The models SOL8.48 and SUB8.44 both have all three CNO
elements lying within the observed values. The C isotopic ratio, 12 C/13 C, is observed to be
very large in most stars, and I am able to replicate this at log(THe ) > 8.44, since the reaction
13
C(α,n)16 O is the first α-capture to occur at the onset of He-burning. This reaction is the
dominant source of neutrons in the star, allowing for the formation of s-process elements,
which are known to be enhanced in RCBs. Note that the reaction network does not include
the formation of such elements. The observed 16 O/18 O ratio is near unity, and the models
replicate this behavior at intermediate temperatures, log(THe ) ∼ 8.43 - 8.55. The C/O ratio,
which defines carbon stars and governs the composition of dust grains, is observed to be
greater than, but very nearly one. the cooler models with log(THe ) < 8.55 have small C/O
ratios, however some of these models have C/O nearly zero, which is also not desirable. 19 F
is extremely overabundant in RCBs, and I find that this overabundance is reproduced at
the highest temperatures, those with log(THe ) > 8.5, where I have enough α-captures going
on to create 19 F from 15 N and 18 O. The production of 18 O is also strongly dependent on
α-captures. Ne is also overabundant in many of the models as it is in observations. This
overabundance is reliably seen in models with log(THe ) ≥ 8.48, as Ne is also an α element.
Considering all information in Table 2.6, the model which agrees most closely with the
observations is SUB8.48. The only parameters which do not overlap with observations for this
model are the N abundance, logϵ(N) = 6.67, which is very close to the observed range at only
0.5 dex lower than the minimum observation, and Li, which I mentioned could be adjusted
by assuming a different progenitor abundance. I note that the model at one temperature step
lower, SUB8.44, does put N in the observed area, however it doesn’t reproduce the correct
19
F or 22 Ne abundances, and has a C/O ratio slightly below 1. The progenitor WDs will
have gone through at least one common envelope phase in their evolution, and the effects of
these common envelopes on the nucleosynthesis and abundances of close-binary systems is
not well constrained. Therefore, while the preferred model is not perfect, it does match the
observations remarkably well for the assumptions that have been made.
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Figure 2.10. The trend of the maximum value of log(T) (the peak burning region temperature) within the star as a function of star age for four representative models and the
preferred model. The solid lines indicate solar metallicities and the dashed lines indicate
subsolar metallicities. The vertical black line indicates the average age for the models to
reach RCB phase.
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Figure 2.11. The evolution of abundances for the surface (upper panel) and the He-burning
shell (lower panel) as a function of star age in years for the preferred model, SUB8.48. Each
colored line represents a different element or isotope, and the vertical black line is the age
where the RCB phase begins.
29

Figure 2.12. Kippenhahn diagram (Kippenhahn et al., 2012) for the preferred model,
SUB8.48. The vertical axis is the mass coordinate, and the horizontal axis is the log of
the star’s age. Blue regions indicate convection at that mass coordinate and age and red
regions indicate energy generation due to nucleosynthesis. The darker blue region indicates
WD cooling in the core of the star. I note that there is nucleosynthesis in the outer envelope
at early times, however I find its effect is minimal, as it generates on the order of 1 erg/g/s
of energy.
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The simplest explanation for the enrichment of RCBs in 18 O and 19 F is if these elements
are the result of partial He-burning. There are two ways in which partial He-burning can
occur. Either the He-burning shell only stays hot enough for a short period of time, or
the partially-burned material is mixed out of the He-burning shell before it can be fully
converted to its end products (Clayton et al., 2007). The models exhibit both of these
behaviors. As seen in Figure 2.10, the He-burning shell stays hot only for a few years, before
cooling to an equilibrium temperature for all models at log(THe ) = 8.31. It is, however, hot
for a long enough timescale to produce large amounts of 18 O and 19 F. The upper panel of
Figure 2.11 shows for SUB8.48 that the surface abundances of 18 O and 19 F start increasing
about 1 yr after the merger event and reach their equilibrium values after ∼102 yr, whereas
the abundance of 18 O in the He-burning shell peaks slightly before 1 yr and then begins to
decrease, especially after the RCB phase is reached. The hot temperature of the He-burning
shell creates these elements on a very short timescale. Figure 2.12 shows the evolution of the
convection zones with time in the evolving RCB star again for the SUB8.48 model. I see that
the envelope is fully convective from the He-burning shell to the surface, beginning shortly
after the merger event and lasting until ∼10 yr, at which point the inner and outer envelope
split into two convective regions. After ∼102 yr, the convective zone pulls away from the
He-burning shell and its material can no longer be mixed to the surface. Therefore the
partial He-burning products, 18 O and 19 F, are created and mixed up to the surface within a
short period of time. While the nucleosynthesis in the He-burning shell continues throughout
the evolution as can be seen in the lower panel of Figure 2.11, there is no mechanism for
its products to be lifted to the surface at late times, and thus the surface composition is
constant. This interesting convective profile is calculated in MESA by the traditional mixing
length theory (Cox & Giuli, 1968), and while I do impose rotation on the models, I do not
take rotational mixing into account. I ran a test model with rotational mixing turned on,
and confirmed a result from Lauer et al. (2019), that the addition of rotational mixing
has a minimal effect on the surface abundances of the RCB model. In fact, the test model
with rotational mixing included had identical RCB abundances to the model without it. The
temperature profile in the post-merger objects is such that all convection happens organically
through the evolution of the star, and there is no need for us to add in a mixing prescription
separately, as was done in Menon et al. (2013). Thus, these unique surface abundances of
partial helium burning products are caused by the combination of a hot helium burning shell
that quickly cools, and mixing that occurs after 18 O and 19 F are formed, but before they
have time to be destroyed.
I find that the models take ∼102 years to reach the RCB phase, where they spend ∼104
years as an RCB, before evolving through the EHe phase in ∼103 years. The subsolar models
evolve slightly slower than their solar counterparts. The locus of the EHe stars is assumed
to from the left (hot) side of the RCB locus to ∼40,000 K, or log(Teff ) = 4.6. I calculate
the lifetime of the EHe phase in the models as the difference between the age at log(Teff ) =
4.6 and the age when the model leaves the RCB locus. This region of the HR diagram also
includes some of the hottest known RCB stars, which only differ from EHe stars in that they
exhibit declines in their light curves due to dust formation. The lifetimes are summarized
in Table 2.1.
Using the birth rate from Karakas et al. (2015) of 0.0018 yr−1 combined with the model
lifetimes, I calculate there would be around 30 RCBs and around 15 EHe stars in the galaxy.
31

However, the current number of known RCBs in the Galaxy is 117 (Tisserand et al., 2020)
and 22 EHe stars are known (Jeffery et al., 1996; Jeffery, 2017). Assuming the birth rate is
as quoted, I would need a longer RCB lifetime to match the population size that is observed.
I do, however, have a very good constraint of the real-time evolution of a hot RCB star,
DY Cen. Archival plates have allowed us to watch the evolution of DY Cen from a cool
RCB-like star in 1970 to a hot EHe-like star in 2014 (De Marco et al., 2002; Schaefer, 2016;
Jeffery et al., 2020). DY Cen has evolved through the EHe portion of the HR diagram, from
roughly log(Teff ) = 4.28 in 1987 to log(Teff ) = 4.39 in 2015, in a timescale of about 30 years.
The models evolve through the same region of temperature space over an average timescale
of 1750 years, significantly longer than DY Cen. However, the contraction rates that have
been estimated for EHe stars find that the mass plays a large role in the evolutionary speed
of these stars (Saio, 1988; Saio & Jeffery, 2002). Since the models have rather low EHe
masses (see Table 2.1) the contraction rates estimated by prior works point towards a much
slower EHe evolution. Therefore, adjusting the mass loss in the RCB phase to lower values
may in fact increase the EHe timescale of the models to something more closely resembling
the evolution speed of DY Cen. As discussed in Section 2.1, the wind efficiency of these types
of stars is not well constrained, and their effects on RCB and EHe lifetimes are complex.
Schwab (2019) contains a nice discussion on the effects of mass loss on both the RCB lifetime
and the ratio of RCB to EHe lifetime.
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CHAPTER 3.
PECULIAR HYDROGEN-DEFICIENT CARBON STARS:
STRONTIUM-RICH STARS AND THE S-PROCESS
3.1

Observations

Currently there are 157 RCB stars and 32 dLHdC stars known in the Milky Way and
the Magellanic Clouds (Tisserand et al., 2020, 2022). My collaborator obtained optical
spectra for 144 of these stars which are being used for HdC star spectral classification (see
Chapter 3.4). These spectra were obtained with the Wide Field Spectrograph (WiFeS)
(Dopita et al., 2007) mounted on the 2.3m telescope of the Australian National University at
Siding Spring Observatory (SSO). Specific details on the spectral acquisition can be found in
Tisserand et al. (2020) and (Tisserand et al., 2022). The spectra span the wavelengths 3400Å
to 9600Å with a two-pixel resolution of about 2Å. See Table 3.1 for the date of observation
for stars with exceptional s-process abundances.
The RCB and dLHdC star spectra must be dereddened as the stars are predominantly
found at large distances. I first searched Green et al. (2019) for an AV value. If there were
no data there, I then adopted the AV value from Schlafly & Finkbeiner (2011). I applied this
extinction correction using an average R(V) = 3.1 and CCM dust (Cardelli et al., 1989).
3.2

Spectral line analysis

I measured equivalent widths (EWs) for the available s-process lines. The spectra of HdC
stars are full of weak atomic lines and, for the cooler stars, molecular bands. Therefore,
the spectral continuum is not directly observable at intermediate resolution and I must rely
instead on pseudo-continua and, by extension, pseudo-equivalent widths (hereafter pseudoEW) of the measured lines. I examine all the lines listed in Table 3.2. Many of the spectral
lines, observed at this intermediate resolution, especially those for weak-lined elements such
as Fe, are blended with other lines. Therefore, I was unable to estimate the intrinsic abundances of HdCs, opting only to measure the pseudo-EW of the stronger lines in the spectrum.
High resolution abundance analyses have been done for a few individual HdC stars (e.g., Asplund et al., 2000).
For each HdC star, I compared the pseudo-EWs of the Ca II H & K lines to those of
the nearby Sr II lines (4077 and 4215 Å). I calculated the ratio of Sr II 4077 to Ca II H,
Table 3.1. Observations of Sr-rich stars
Name
Observation Date
U Aqr
15 July 2010
HE 1015-2050
7 June 2012
EROS2-LMC-RCB-3
18 April 2008
A249
14 April 2021
A166
21 May 2021
C539
24 September 2021
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as the Sr II 4215 line is blended with a CN band head, and the Ca II K line is close to the
CN bandhead at ∼3890 Å. The stars where the Ca II H/Sr II 4077 ratio is less than 1.5,
i.e., where the Sr II pseudo-EW is comparable or larger than that of the Ca II H lines, are
a special class of HdC star I denote as “Sr-rich”. By comparison, the average value of this
ratio for HdC stars that are not rich in Sr is ∼5.5. Comparing the pseudo-EWs of Sr II
4077 and Ca II H for all HdC stars allows for clear identification of the six Sr-rich stars (see
Figure 3.1): U Aqr, EROS2-LMC-RCB-3, HE 1015-2050, A249, A166, and C539. U Aqr
and EROS2-LMC-RCB-3 are known RCB stars, HE 1015-2050 is a known dLHdC and the
latter three are new dLHdC stars, discovered by Tisserand et al. (2022). Their blue spectra
are shown in Figure 3.2.
I chose Ca II H & K for this analysis as they are usually some of the strongest lines in the
spectrum. Upon some testing, I could not identify any trends with the pseudo-EWs of these
two lines and surface temperature, metallicity (i.e., Fe abundance), or Ca abundance within
the HdC sample, however I do find a relationship between luminosity and the Ca H and K
strength. Within the sample, intrinsically brighter stars exhibit weaker Ca II H and K lines.
According to Tisserand et al. (2020) and Tisserand et al. (2022), brighter RCB stars tend to
be in the warmer temperature regime. If the analysis was biased to include stars with weak
Ca H and K, I would expect most of the Sr-rich class to consist of brighter, and therefore
warmer, stars, however I do not see this. In fact, I find no stars in the Sr-rich class that lie
in this warmer temperature regime, and most of the Sr-rich stars lie in a narrow range of
temperatures at the cooler end of the RCBs and dLHdCs. Thus, I do not suspect that some
systematic trend in Ca H and K strength is affecting the selection of Sr-rich stars.
Two other important s-process elements, although less prominent, are observed in the Y
II and the Ba II lines. Yttrium is another light s-process element, and therefore should be
enhanced to a similar extent as the Sr lines are. This line is clearly visible in the spectra
of most HdCs, but since it lies in between the Ca II H & K lines, it is difficult to get an
accurate pseudo-EW measurement. Therefore, I inspected this line visually to confirm that
the Sr-rich stars are also enhanced in Y II, but otherwise it is not considered. As seen in
Figure 3.2, all Sr-rich stars have clearly identifiable Y II lines except for A166, whose blue
features are nearly undetectable. This star is discussed further in Section 3.4. Barium on
the other hand, is a heavy s-process element. The strengths of the lines of Sr, Y, and Ba
give us an idea of the neutron exposure during nucleosynthesis, as a strong neutron exposure
will enhance Ba as well as Sr and Y, whereas a weak exposure will only enhance the lighter
elements (see Section 3.3). I observed a large range in the measured ratios of Y/Ba and
Sr/Ba pseudo-EWs, see Figure 3.3. The intrinsic spread of Y and Ba abundances has been
noted in Asplund et al. (2000) (see Figure 13). They comment that this indicates a large
range in the amount of s-processing that happens within HdC stars. I note that the star
A166 has clearly enhanced Ba, which would signify that its neutron exposure is larger than
for U Aqr and the rest of the Sr-rich stars.
HdC stars are generally enhanced in s-process elements, as the majority class of RCB
stars have average abundances of [Y/Fe] ≃ 0.8 and [Ba/Fe] ≃ 0.4 (Asplund et al., 2000).
Notice that this implies the light s-process elements are overabundant compared to heavy
elements, however not to the same extent as U Aqr which has [Y/Fe] = 3.3 and [Ba/Fe] =
2.1. This result explains why most of the HdC stars exhibit non-zero pseudo-EWs for the
persistent Sr II and Ba II lines, as shown in Figure 3.3, but I do not consider all stars as
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Figure 3.1. The pseudo-EW (pEW) of Sr II λ4077 vs Ca II H in the upper panel and Ba II
λ4554 vs Ca II H in the lower panel. The Sr-rich stars are plotted in red and labeled. The
remaining stars in the spectral data set are plotted in black circles. In the lower panel, only
A166 is labeled so as not to obstruct the rest of the data. Note that I plot the pseudo-EWs
of these lines rather than the traditional EWs as there is no true continuum to measure in
many of these stars due to strong molecular bands.
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Figure 3.2. The blue region of the spectrum for the six Sr-rich stars. Ca II H and K are
denoted by vertical red lines, Sr II λλ4077, 4215 by vertical black lines, Y II λ3950 by a
vertical purple line, and Ba II λ4554 by a vertical green line.

Table 3.2. Spectral lines relevant to this study
Element Wavelength (Å) Light/Heavy?
Comments
Sr II
4077
Light
Sr II
4215
Light
near C2 bandhead
Ca II
3933, 3968
Ca II H & K
Y II
3950
Light
in between H & K
Ba II
4554
Heavy
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Figure 3.3. The pseudo-EW (pEW) of Sr II λ4077 vs Ba II λ4554. The Sr-rich stars are
plotted in red and labeled, and the rest of the stars in the HdC spectral sample are plotted
in black. Note that I plot the pseudo-EWs of these lines rather than the traditional EWs as
there is no true continuum to measure in many of these stars due to strong molecular bands.
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extraordinarily enhanced in these elements.
3.3

The s-process

Elements heavier than Fe are predominantly synthesized via neutron capture chains in either
the slow (s-) or rapid (r-) processes, the relative contributions of which have been modeled in
works such as Seeger et al. (1965). Describing the s-process is possible by defining a neutron
exposure parameter
Z
h

texp

i

τ mb−1 =

0

nn (t) vT dt

(3.3)

where nn (t) is the number density of free neutrons, vT is the thermal velocity, and texp is the
duration of the neutron exposure. There are two types of neutron exposure considered. The
first case is a single neutron exposure event and the second is a series of decaying neutron
exposure events. The second case corresponds to physical situations such as the thermal
pulses in AGB stars where between each pulse the population of neutrons decays. This
can be represented mathematically as a weighted exponential function C e−τ /τ0 where C is a
weighting constant and τ0 represents how fast the neutron exposure decays between pulses.
When describing a neutron exposure event, τ is used to describe single neutron exposures
and τ0 is used to describe exponential exposures. A thorough explanation of this theory can
be found in works such as Clayton et al. (1961) and Clayton (1968, ch. 7), and an exact
solution of the exponential case is found in Clayton & Ward (1974).
The measured s-process solar system abundances of heavy elements require two components to get a good model fit: the “strong” and the “weak” components (Beer & Macklin,
1989). The strong component, also referred to as the “main” component, can be replicated
by an exponential neutron exposure with τ0 = (0.30±0.01)(k T /30eV )1/2 [mb−1 ] (Beer 1986c).
The weak component, however, is more correctly modeled by a single neutron exposure with
τ = (0.23 ± 0.03)(k T /30eV )1/2 [mb−1 ] (Beer & Macklin, 1989). The strong component enhances all s-process abundances, whereas the weak component mainly enhances the light
s-process elements (i.e., elements with mass number ≤ 90). This is because 88 Sr, 89 Y, and
90
Zr all have closed neutron shells and, by extension, small neutron capture cross sections.
The weaker neutron exposure associated with the weak component does not provide enough
neutron flux for significant neutron capture onto these closed shells, therefore causing a
buildup of the lighter elements.
Previous studies on U Aqr attempted to characterize its neutron exposure event. Bond
et al. (1979) noted that an enhancement of the light s-process elements such as Sr and Y
is only possible with weak neutron exposures, and is less likely to occur in an exponential exposure. This is corroborated by Malaney (1987) which notes that in single neutron
exposures, the Sr/Ba ratio peaks near τ = 0.5 mb−1 , with higher exposures having larger
amounts of Ba. Bond et al. (1979) estimates the best fit for U Aqr as a single neutron
exposure with τ = 0.6 mb−1 , assuming dilution of the processed material by a factor, f ≈
10. Malaney (1985) assumes a post-AGB origin of U Aqr and therefore fits the star’s abundances using an exponential neutron exposure with τ0 = 0.1 mb−1 . Vanture et al. (1999)
point out that qualitatively, the s-process abundances in U Aqr are similar to those of the
solar weak component. They compare their abundance calculations to the general s-process
models presented in Malaney (1987) and find that it requires a large fraction of processed
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material in the outer atmosphere to match model abundances. They find the best fit to be
a single neutron exposure with τ = 0.15 to 0.4 mb−1 , but do not exclude the possibility of
an exponential irradiation.
Recently, advances have been made in narrowing down the more likely origin of RCB
stars to a double WD merger, and therefore an AGB-like neutron irradiation is unlikely in
these kinds of stars. In fact, recent stellar evolution models from Crawford et al. (2020) and
Munson et al. (2021) show that RCB surface abundances are set within the first ∼10-50
years of evolution after the WD merger, hundreds of years before reaching the RCB phase,
and the surface abundances do not change for the remainder of the star’s evolution. This
happens because as the star expands due to energy generation at the He-burning shell, the
convective region in the outer envelope splits into two regions and the processed material can
no longer be transported from the burning region to the surface of the star. Therefore, these
models imply that the neutron exposure creating the s-process abundances on the surface of
RCB stars would resemble a single neutron exposure.
Further, using the models from Crawford et al. (2020), I can estimate the neutron exposure for a typical RCB star. I calculated the neutron exposure for five RCB models:
SOL8.39, SOL8.69, SUB8.39, SUB8.48, and SUB8.69. An important aspect of calculating
τ is to define the site where the s-process will occur. For this work, I defined this region in
two ways, first where the temperature of the zone is greater than 108 K (where the triple-α
process occurs) and the second where the zone’s temperature is greater than 2x108 K (for
exploratory purposes). The number density of neutrons and the thermal velocity for each
time step was taken as an average over this region. The second important aspect of this
calculation is the duration of the neutron exposure, which I took to equal the star’s age
when the envelope ceased to be fully convective, assuming convective regions to be fully
mixed at each time step due to the short dynamical timescale in the models (see Figure
12 in Crawford et al. (2020) and discussion therein). The resultant values for the neutron
irradiation parameter τ are listed in Table 3.3 and plotted in Figure 3.4.
Three trends can be gleaned from these models. First, models with hotter burning
regions such as SOL8.69 and SUB8.69 have significantly weaker neutron irradiations than
cooler models. The warmer temperature of these models is such that while there is now
a second activated neutron source due to the reaction 22 Ne(α,n)25 Mg, the neutron poison
reaction 14 N(n,p)14 C is also more strongly activated, which consumes the neutrons quickly,
before they have a chance to build up and be captured by iron seed nuclei. Secondly, as each
zone averaged under this warmer condition is at higher temperatures and higher neutron
densities, the overall average neutron density and temperature over the neutron capture site
is larger, resulting in a larger effective neutron exposure. Care must be taken to ensure the
correct s-process site is chosen. The final trend is that the models with subsolar metallicity
have smaller neutron exposures than those with solar metallicity. There are a multitude of
reasons this could be, however a strong case could be made by noting that the initial H
abundances of these models are not the same. The SOL set of models has an initial mass
fraction of H on the order of 10−4 for the homogeneous envelope, whereas the SUB set of
models has 10−5 for the mass fraction of H. It is unclear whether this is the primary cause of
the disparity in neutron irradiation, however the increased H in the solar metallicity models
would create more neutrons per zone due to the reaction chain 12 C(p,γ)13 C(α,n)16 O which
converts protons into neutrons. Note that this difference in H abundances between the two
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Table 3.3. Neutron exposure (τ ) for RCB models
RCB Model
108 K
2x108 K
−1
SOL8.39
1.1 mb
4.7 mb−1
0.1 mb−1
0.3 mb−1
SOL8.69
SUB8.39
0.04 mb−1
0.9 mb−1
−1
SUB8.48
0.05 mb
0.1 mb−1
SUB8.69
0.001 mb−1 0.003 mb−1
types of models is not physically motivated, and is instead a result of the process of creating
the models. In future models, the H abundance in the envelope will be standardized between
different metallicities.
It is clear that the neutron exposures calculated for these models are lower than those
estimated for U Aqr, which is understood to have a weaker neutron exposure than normal
RCB stars. The lowest irradiation calculated for U Aqr is τ = 0.15 mb−1 , whereas the largest
irradiation calculated for the preferred RCB Model (SUB8.48) is τ = 0.1 mb−1 . Using the
56
Fe neutron capture cross section from Liou et al. (1979) of σ = 7.5 ± 4.2 mb at 24.37 keV,
a neutron exposure of 0.1 mb−1 translates to approximately 0.75 neutrons captured per 56 Fe
nucleus. This low level of exposure cannot explain the s-process abundances in the majority
of RCB stars. Most RCB stars have s-process enhancements indicative of stronger neutron
exposures than that of U Aqr (i.e., they have smaller Sr/Ba ratios), and the models cannot
currently explain this discrepancy. Using a separate test set of unpublished RCB models
where the initial envelope mass fraction of N was decreased from 10−2 to 10−3 , I calculated
an increase in the neutron irradiation τ from 0.04 to 8.48. Therefore it is clear that the
initial abundance of N plays a large role in the resulting neutron exposure, as it would also
govern the presence of the neutron poison, 14 N. More work must be done on interplay of
initial N abundance and available neutrons in RCB models.
While the aforementioned models were created to understand RCB evolution, they additionally inform us about dLHdC star evolution. As the dLHdCs bear a strong resemblance to
RCBs, I believe that the formation process of all these stars should be similar. Karambelkar
et al. (2021) and Tisserand et al. (2022) suggest that the differences in these stars could be a
result of them forming from different WD-binary populations. In this case, the models used
for RCBs should be a good approximation to the dLHdCs as well, since the RCB models are
not finely tuned to parameters such as mass ratio and total mass. Future modeling will focus
more on these parameters and explore whether different initial binary parameters produce
results matching either the RCB or dLHdC class of stars.
3.4

Discussion

Previously, RCB stars and dLHdC stars have been indistinguishable in their abundances
derived from optical spectra (Warner, 1967) The only known difference between the two
classes is whether or not they form dust. K-band spectra of CO absorption bands has revealed
that dLHdC stars generally have larger surface abundance enhancements of 18 O than RCB
stars (Clayton et al., 2007; García-Hernández et al., 2009; Karambelkar et al., 2021). It
is unknown whether or not the dLHdC class is simply a dustless phase of RCB evolution.
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Figure 3.4. Neutron exposure τ in mb−1 vs RCB model temperature in MK. Red lines
indicate a burning region defined as T > 200 MK, blue lines indicate a burning region
defined by T > 100 MK. Closed circles denote solar metallicity models and stars indicate
subsolar metallicity models. All models detailed in Crawford et al. (2020).
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There were previously only five known dLHdC stars, however Tisserand et al. (2022) has
discovered 27 more dLHdC stars, increasing the sample to 32 total stars. Therefore, I can
now begin to discern any further differences between the RCBs and dLHdCs.
Using the spectra of all known RCBs and dLHdCs, I am able to identify a small sub-class
of these stars with extraordinarily enhanced Sr lines, which I denote as Sr-rich stars. The
six stars which belong to this sub-class are U Aqr, EROS2-LMC-RCB-3, HE 1015-2050,
A249, A166, and C539. The latter four are dLHdCs, the final three of which were recently
discovered by Tisserand et al. (2022). These stars are easily differentiated from other HdC
stars when comparing their Sr II and Ca II H pseudo-EWs (Figure 3.1). There is no clear
reason why these six stars have a nearly linear relationship between Sr II and Ca II H pseudoEWs. These six stars are all in the cooler regime of HdCs (5000-6500K), which clearly show
both C2 and CN bands in their spectra. Roughly 2/3 of all HdC stars are within this same
temperature regime (Tisserand et al., 2020, 2022), therefore with six Sr-rich stars at cooler
temperatures, I would expect to find two warm Sr-rich stars, however no such stars are
found. It is not clear whether this kind of Sr enrichment is exclusive to cool stars or if it is a
small sample bias. Jeffery et al. (2020) points out that the hot RCB star DY Cen shows very
strong Sr II enhancement in its 1987 spectrum, indicating that this kind of Sr enhancement
can be seen up to surface temperatures of 18800 K. I note for clarity that the hot RCB stars
are not included in this study (De Marco et al., 2002; Tisserand et al., 2020). Compared to
the total population of RCBs and dLHdCs, I find that two out of the 87 RCBs with blue
optical spectra and four out of 32 dLHdCs have this kind of Sr enhancement. Therefore,
dLHdCs are more likely to be Sr-rich, with an occurrence rate of ∼13% as opposed to RCBs
at ∼2%.
I additionally explored the Galactic distribution of the Sr-rich stars, which can be seen
in Figure 3.5. Four out of the five Galactic Sr-rich stars lie clearly in the halo, which is
known to have very low metallicity. The star that lies in the bulge is C539. I found one
Sr-rich RCB in the LMC: EROS2-LMC-RCB-3. I note as well that this star lies away from
the majority of the LMC RCBs which lie in the LMC Bar. It seems, then, that this star also
lies in the LMC analog to the halo population. There are four other RCBs that lie within
the halo population: AO Her, Z Umi, and NSV 11154 in the Northern Galactic Hemisphere,
and ASAS-RCB-6 in the Southern Galactic Hemisphere. I do not currently have the spectra
necessary to comment on the strength of Sr in these stars. There is one additional star that
appears to be in the Northern halo region. This star is the eponymous R CrB, which only lies
1.3 kpc away from us and is therefore not a true member of the halo. The distribution of Srrich stars is significantly different from other HdC stars and thus may indicate a correlation
between metallicity and the strength of the neutron exposure.
Recent RCB models such as Crawford et al. (2020) and Munson et al. (2021) have shown
convincing evidence for the origin of the surface abundance of 18 O, a trait unique to the HdC
stars. This isotope is created during the reaction chain 14 N(α,γ)18 F(β + )18 O(α,γ)22 Ne, which
flows to completion in a typical star, causing an enhancement of 22 Ne. However, in these
stars, this reaction chain must be halted before completion. These two sets of models show
that due to their unusual convective system and its evolution, material is mixed out of the
He-burning shell to the surface only within the first ∼10-50 years of post-merger evolution,
after which the surface abundances are set and do not change throughout the remainder of the
star’s life. Therefore, this short triple-α burning is integral to the existence of surface 18 O. A
42

Figure 3.5. The Galactic distribution of all RCBs and dLHdCs, with the Sr-rich stars
highlighted in large red dots. Coordinates for all known HdCs can be found in Drilling
(1986),Tisserand et al. (2020) and Tisserand et al. (2022).
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comparison can easily be drawn between the this short triple-α burning and the requirement
of a weak neutron exposure in RCB stars. This possibly parallel relationship could be further
explored using IR spectra of the Sr-rich stars to observe the 12 C18 O bands. Of the Sr-rich
stars, only U Aqr has been observed in the near IR, which confirms it has enhanced 18 O,
similar to other RCB stars (Karambelkar et al., 2021). However, dLHdC stars are known
to have larger 18 O enhancements than RCB stars (Clayton et al., 2007; García-Hernández
et al., 2009), which could explain the larger occurrence rate of Sr-richness in dLHdC stars.
More observations are needed to draw any further conclusions on the relationship between
surface 18 O and Sr abundances.
The neutron exposure for the Sr-rich class of stars is best understood as a weak, single
event. Weaker exposure events can mean either a short time scale, a low neutron density,
or a low temperature. As the neutron irradiation τ relies on the temperature to only the
first order, the differences in the He-burning shell temperature from 2.45 to 4.4 x 108 K
are negligible compared to the other factors that influence the neutron exposure. However,
I have no evidence to suggest whether the Sr-rich phenomenon is due to short exposure
timescales or lower neutron densities. Weak neutron exposure events deposit neutrons onto
seed nuclei up until the lowest mass set of closed neutron shells at 88 Sr, 89 Y, and 90 Zr. These
nuclei have significantly smaller neutron capture cross sections than the nuclei around them
in mass, and therefore the s-process slows around these nuclei. This is why Sr-rich stars
are associated with weaker neutron exposures, as this buildup of lighter s-process elements
indicates that neutrons are not captured across closed neutron shells. Upon having stronger
exposures, neutron capture across these closed shells becomes more likely, and therefore the
s-process can progress to create higher mass nuclei such as Ba by capturing neutrons onto
the lighter nuclei, decreasing their abundance. Thus, as the Ba abundance builds, the lighter
elements such as Sr, Y, Zr will decrease in abundance.
The unique Sr-rich star A166 does not show the typically expected range of Sr and Ba
abundances. While this star’s Ca II H, K, Sr II, and Y II lines are extremely weak, the
ratio of Sr II λ4077 vs Ca II H is still less than 1.5, thus the Sr II λ4077 is still enhanced
compared to Ca II H. However, it also shows an enhanced Ba II 4554 line. In Figure 3.3, I
can see that this star has a larger pseudo-EW of Ba II λ4554 than any of the other HdCs
measured. I note that this star is the reddest known dLHdC, and therefore has quite weak
Ca II H & K, so perhaps the comparison is not straightforward. The enhancement of both
Sr II (when compared to Ca II H & K) and Ba II is not something I can easily explain using
a single neutron exposure. A166 is unique in almost every way compared to normal dLHdCs
(Tisserand et al., 2022; Karambelkar et al., 2021). The continuum of the spectrum for this
star appears different from all other RCBs and dLHdCs except the similarly unique RCB
ASAS-RCB-6. The shape of this star’s continuum resembles that of a late K star, making
it appear extremely red and cold. It also displays an IR excess at 22 µm indicating the
presence of cold dust. This redness of the spectrum could influence the perceived strength
of the lines in the blue— making the relevant lines nearly undetectable, as they currently
appear in the spectrum, and therefore A166 needs to be studied more closely before any
conclusions can be drawn regarding its neutron exposure. For now, I include A166 in the
Sr-rich class, although it appears to belong to its own, separate class.
There is currently no comprehensive study of s-processing in HdCs, so in addition to
exploring the sub-class of HdCs with extraordinary Sr enhancement, I also attempted to
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categorize the neutron exposure in normal HdCs. From the existing estimates of τ for U
Aqr between 0.15 and 0.6 mb−1 , I estimated that a typical RCB neutron exposure should
be greater than 0.6 mb−1 , however, the calculation using the preferred RCB model from
Crawford et al. (2020) gave τ = 0.05, assuming the s-process occurs at a temperature of
108 K. I am unsure exactly what causes the models to have very small neutron exposures,
but I note that increasing the assumed s-process temperature to 2x108 increases τ to 0.1.
By investigating the neutron exposure in other RCB models, I found that the subsolar
metallicity models have smaller neutron exposures, likely due to the initial abundance of H.
Additionally, warmer models have lower neutron exposures due to the larger activation of the
14
N neutron poison. I also found from unpublished models that the initial 14 N abundance
plays a large role in the neutron exposure— a lower initial 14 N leads to an increase in the
neutron exposure. Further exploration of the neutron exposures in observed HdCs and RCB
models is necessary. Note also that the neutron exposure calculations assumed a single
exposure event rather than pulsed exponential exposures, as the latter of these two options
is not reconcilable with the current understanding of RCB formation, especially as the RCB
models are of WD merger origin.
In summary, I have found a small sub-class of six RCBs and dLHdCs that are extraordinarily Sr-rich. These stars tend to be in the cooler regime of HdCs, clearly showing both C2
and CN bands, and additionally lie outside of the typical distribution of HdCs in the bulge
and old disk regions. One of these stars, A166, is unique even within the class of Sr-rich
stars, as it shows strongly enhanced Ba II as well. The expansion of this small class of Sr-rich
RCBs and dLHdCs, in tandem with the large increase of known dLHdC stars has allowed us
to begin a more detailed exploration into not only the amount of s-processing in HdCs, but
also the differences and similarities between the two component classes of stars. While dLHdC stars do not exhibit IR dust signatures or the dust declines unique to RCB stars, they
do have stronger surface 18 O than RCB stars (Karambelkar et al., 2021) and are more likely
to be Sr-rich. Tisserand et al. (2022) finds that the dLHdCs have stronger H abundances
and weaker CN compared to RCBs, as well as occupying a slightly less luminous space of
the color-magnitude diagram. These are the only known differences between dLHdCs and
RCBs. Previously, dLHdCs were believed to be RCBs that were in an “off” period, or in
other words were simply a dustless phase of RCB evolution. This idea cannot yet be fully
discredited, as there are RCB stars with dLHdC-like abundances, and dLHdCs with cold
dust shells (Karambelkar et al., 2021). However, there is strong evidence that these stars
could be formed from different WD-binary populations (Tisserand et al., 2022; Karambelkar
et al., 2021). I am working towards obtaining more data to further explore the differences
between the two types of HdC stars and discern whether or not they share an evolutionary
history.
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CHAPTER 4.
A SPECTRAL CLASSIFICATION SYSTEM FOR
HYDROGEN-DEFICIENT CARBON STARS
4.1

Observations

There are 189 total HdC stars known in the Milky Way and the Magellanic Clouds (Tisserand
et al., 2020, 2022). I obtained blue and red optical spectra for 144 of these stars using the
Wide Field Spectrograph (WiFeS) (Dopita et al., 2007) mounted on the 2.3m telescope of
the Australian National University (ANU) at Sliding Spring Observatory, using the B3000
and R3000 gratings. Many of these spectra were also used by Tisserand et al. (2020) and
Tisserand et al. (2022). These spectra span a range of wavelengths, 3400 to 9600 Å, with
a two-pixel resolution of about 2 Å. For classification purposes, it is paramount to ensure
the appearance of the spectra are as consistent as possible, therefore only spectra collected
with the WiFeS setup described above are eligible to be considered standard stars of the
classification system. The remaining usable spectra come from the Dual Beam Spectrograph
at ANU (see Table 4.1) and can be used to assign classes to RCBs, but cannot be reliably
used as standards. See Table 4.3 to find which setup was used to observe each star.
Each spectrum is shifted to the rest frame and dereddened. For the extinction, I searched
Green et al. (2019) for each star to find an AV value, and if the star was not present, I used
the AV value from Schlafly & Finkbeiner (2011). The extinction correction was applied using
an average R(V) = 3.1 and CCM dust (Cardelli et al., 1989).
4.2
4.2.1

Methods
The MK Process

We use the MK Process to begin the classification system (Morgan, 1984). This process states
that the classification system is defined solely by the existence of standard stars within the
class, and emphasizes the idea of “natural groupings” of the data, i.e., the groupings that
the spectra seem to fall into naturally. For HdC stars, the most clear and obvious natural
group arises based on the presence or absence of the C2 Swan bands, and in fact these cool
and warm groups have been used for many years (e.g., Tisserand et al., 2020). I note there
is also a hot group of five known RCB stars with Teff > 12000 K and I do not include them
in this analysis as they have very significant spectral variance between each other (De Marco
et al., 2002; Tisserand et al., 2020). I found upon inspection that this first natural group can
be further refined by noting that the C2 molecules that dominate the blue portion of cooler
HdC spectra dissociate at warmer temperatures than the CN molecules in the red portion
of the spectra. These groups became known as the cool (C2 and CN present), mild (only C2
present), and warm (no obvious molecular features) groups (Tisserand et al., 2022).
With these rough natural groupings in mind, I begin the classification creation process
in a traditional way— by printing out bright stellar spectra and arranging them on the floor
into a natural order. For this process, I used bright stars which had published temperature
estimates in the literature. Those stars and their temperature estimates are listed in Table 4.2. Upon ordering these stars, I noticed that the best order for these stars does not
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Setup
WiFeS
ANU DBS

Table 4.1. Telescope setups
Telescope
Instrument
Grating
Resolving Power
ANU 2.3m
WiFeS
B3000/R3000
3000
ANU 2.3m Dual Beam Spectrograph
158R
500

correspond with placing the stars in sequential order by published temperature estimates.
This is not surprising since there are many temperature estimates for the bright RCB stars
that vary up to hundreds of degrees K.
After creating an approximate sequence of known bright HdCs, I added in the remaining
spectra taken with the WiFeS spectrograph (see Table 4.3). I used the spectral range from
3800 to 9000 Å for this classification, as there are important features across the entire optical
region of the spectrum. Using this method, I created 21 distinct groups of HdC spectra.
These were predominantly based on the overall shape of the continua and the strength of
the C2 and CN bands. Many groups contained only 2 stars, however, and these groups
turned out to either contain RCBs that were either not at maximum light, or stars that were
peculiar compared to all other HdCs (as in the case of A166 and ASAS-RCB-6). It was clear
that these 21 groups spanned a two dimensional space, which I interpret as temperature and
C2 strength.
Automated spectral classification has been historically avoided as humans are known to
be more skilled at pattern recognition than computer programs. However, as large scale
spectroscopic surveys, such as the Sloan Digital Sky Survey (SDSS Blanton et al., 2017),
have become more common, automation has become significantly more important, and more
work has been done on developing classification algorithms. A long-term goal of ours is to
be able to automate classification of HdC stars to differentiate them from traditional carbon
stars in these large sky surveys, and therefore I chose to implement the methods of BailerJones et al. (1998) on the HdC dataset to provide an automated classification that could be
compared to the human-produced system before finalizing the classification.
4.2.2

Principal Component Analysis

After a preliminary set of 21 classes were created by eye, I implemented an automated
classification technique. Automated stellar classification is traditionally difficult due to the
high dimensionality of spectral data, however there have been many recent works which
tackle this type of problem. I chose to follow the methods outlined by Bailer-Jones et al.
(1998) to reduce the dimensionality of the data set. Specifically, I perform a principle
component analysis (PCA) on the spectral data. PCA is a method of calculating the basis
along which the most variance in the data can be explained, and transforming the data into
a linear combination of the basis spectra, or eigenspectra. As the principal components (in
this case, the eigenspectra) are arranged such that the first of these components explains
the largest source of variance in the data, many of the later components can be ignored
without significant reduction of the conveyed information. Thus, the dimensionality of each
spectrum can be reduced from the order of thousands to the order of tens.
We performed a PCA on all HdC spectra that have data from 4500 to 9000 Å using
the PCA algorithm from scikit-learn (Pedregosa et al., 2011). Note that this spectral
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Star
ES Aql
FH Sct
GU Sgr
NSV 11154
R CrB
RS Tel
RT Nor
RY Sgr
RZ Nor
S Aps
SU Tau
SV Sge
U Aqr
UV Cas
UW Cen
UX Ant
V CrA
V2552 Oph
V3795 Sgr
V482 Cyg
V854 Cen
VZ Sgr
WX CrA
XX Cam
Y Mus
Z Umi
HD 137613
HD 148839
HD 173409
HD 175893
HD 182040

Table 4.2. Temperatures found in the literature
Teff (K)
Source
Comments
5000
Yakovina et al. (2013)
in decline, not used
Asplund et al. (2000)
in decline, not used
6250
6250
Asplund et al. (2000)
Yakovina et al. (2013)
low res, not used
5200
6750
Asplund et al. (2000)
low res, not used
6750
Asplund et al. (2000)
Asplund et al. (2000)
in decline, not used
7000
7250
Asplund et al. (2000)
Asplund et al. (2000)
in decline, not used
6750
Asplund et al. (1997)
5400
6500
Asplund et al. (2000)
in decline, not used
5000
Yakovina et al. (2013)
6000
Asplund et al. (1997)
7250
Asplund et al. (2000)
low res, not used
Asplund et al. (2000)
in decline, not used
7500
7000
Asplund et al. (2000)
in decline, not used
6250
Asplund et al. (2000)
in decline, not used
6750
Rao & Lambert (2003)
Asplund et al. (2000)
8000
Asplund et al. (2000)
6500
6750
Asplund et al. (1998)
Asplund et al. (2000)
7000
5300
Asplund et al. (1997)
7250
Asplund et al. (2000)
low res, not used
7250
Asplund et al. (2000)
5250
Kipper & Klochkova (2008)
low res, not used
5400
Asplund et al. (1997)
5625
Bergeat et al. (2001)
6100
Asplund et al. (1997)
5640
Bergeat et al. (2001)
5590
Bergeat et al. (2001)
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Figure 4.1. The cumulative explained variance by each principal component found via PCA.
range does not extend as far into the blue as used for the MK process, as dereddening
the spectra magnifies the noise in the bluest part of the spectrum and the PCA algorithm
places too much emphasis on trying to explain this noise rather than the important spectral
features. I used the first 50 principal components, and their cumulative explained variance
can be seen in Figure 4.1. The first ten principal components are shown in Figure 4.2. I
can see that important spectral features are spread across multiple eigenspectra (e.g., the
C2 bands can be seen clearly in the first three components) and that each eigenspectrum
contains multiple types of features (e.g., C2 and CN bands can both be seen in the same
eigenspectrum). However, I can still attribute some components most strongly to certain
spectral properties. Component 1 most strongly correlates to the shape of the underlying
continuum and components 2 and 3 most strongly denote the strength of the C2 and CN
bands. Thus, I confirm that the continuum and the carbon molecular bands are the most
important features upon which to classify the HdC spectra.
Once the data have all been deconstructed into their principal components, the dataset
forms a 50 dimensional surface. I visualize the first three dimensions in Figure 4.3. This
clearly shows how the groups created via the MK system fall nicely into the 3D space created
by the first three principal components. As suspected, components 1 and 2 are strongly
correlated, as they correspond most closely to the shape of the continuum and the presence
of molecular bands, respectively. This effect is mostly due to the differences in temperature
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Figure 4.2. The mean HdC spectra is shown at the top with the first 10 principal components
offset below it. The component spectra, or eigenspectra, are labeled such that component
1 explains the most spectral variance, and each subsequent eigenspectrum explains less
variance than the eigenspectrum before it. The spectral region from 7575 to 7700 Å is
removed to avoid the telluric B band.

50

in the stars. There is more spread in component 3, and it correlates more with component
1 than component 2. I find that component 3 represents the strength of two particular C2
bands– at 4383 Å and 6191 Å. I theorize that the spread in this component could be due to
differences in the overall C2 strength in the star, originating from differences in C/O ratios
as in traditional carbon stars.
4.2.3

K-means Clustering

Upon noticing that the preliminary groups are distributed well in the 3D space created
by the first three principal components, I performed a K-means clustering on the PCA
deconstruction of the dataset. K-means is a simple, iterative clustering algorithm which
defines cluster centers and groups the data based on which cluster center is closest to the
datum, readjusting the position of the cluster centers upon each iteration. I initialized the
cluster centers using the locations of ten bright, known stars from the preliminary groups.
Those stars were RZ Nor, V517 Oph, S Aps, B563, WISE J194218.38-203247.5, SV Sge, HD
175893, RS Tel, C528, RY Sgr, Y Mus, and HD 182040. The results of this clustering can be
seen in Figure 4.4. The differences between the by-eye classification and the groups created
by K-means are small, and no larger than the differences between two humans creating
their own classification schema. However, this algorithm is better at classifying spectra on
their overall appearance, and has no issue classifying spectra that are difficult for a human
classifier.
4.2.4

Final Classification

The implementation of PCA and K-means clustering was an experiment to test whether I
could automate the classification process in the future, and it turned out to be very successful
at augmenting the classification system that I created using the MK process. Therefore, I
created the final classification system using a combination of both the K-means clusters and
the preliminary MK process classes. I adjusted the classes of a few stars that lay on the
border between two K-means classes, as well as combined the classes that were displaced
vertically from each other on the third component axis. I ended up with a total of eight
classes that form a continuum in temperature space. Their projections in the principal
component basis can be seen in Figure 4.5. The spectral continuum itself can be seen in
Figure 4.6.
Additionally, I noticed that in each temperature class there appeared to be a range of
C2 band strengths, especially regarding the disappearance of the 4383 Å band in stars with
weaker C2 strengths. Therefore, I include an index to indicate the strength of the C2 Swan
bands, as in the Keenan (1993) system for carbon stars. In order to keep classification simple
for those accustomed to other systems, I used the stars from the Barnbaum et al. (1996)
carbon star atlas to calibrate the C2 indices. The carbon abundance sequences can be seen
in Figures 4.7-4.14.
The final classification system simplifies the classification system I created using solely the
MK process, which had 21 distinct groups. However, the stars that were grouped together
in those 21 groups continue to have identical classes to each other in the final system, I
have simply combined many of these into overarching classes with different carbon indices.
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Figure 4.3. The first two projections of the PCA data set overlain with the initial MK
groups. The colors of the points correspond to different initial MK-process groups, where
the purple indicates cooler stars and the red indicates warmer stars. The open squares
indicate stars that were not originally included in manual classification, and the open circles
indicate groups that were not originally placed into the sequence of MK-process groups.
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Figure 4.4. The first two projections of the PCA data set overlaid with the K-means clusters.
The colors of the points correspond to the 10 different initial K-means clusters, where the
purple indicates cooler stars and the red indicates warmer stars.
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Figure 4.5. The first two projections of the PCA data set overlaid with the final classification
of stars. The colors of the points correspond to the 8 different temperature classes, where the
purple indicates cooler stars and the red indicates warmer stars. The black squares indicate
the location of the standard star used for each of the classes.
54

Figure 4.6. The spectra of the standard stars for each of the temperature classes. The HdC0
class at the top indicates the warmest group of stars, and HdC7 at the bottom indicates the
coolest group of stars. Each spectrum is normalized and offset from each other.
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Figure 4.7. The spectra of the HdC0 class of stars. The carbon index for each star is listed
next to their name on the right hand side. The spectra are arranged such that the star
at the top has the strongest C2 bands and the star at the bottom has the weakest. Each
spectrum is normalized and offset from each other. The spectral region from 7575 to 7700
Å is removed to avoid the telluric B band.
For example, what may have been two distinct groups given working names “Group 2”
and “Group 4” may now correspond to the classes HdC3 C2 3 and HdC3 C2 4, respectively.
The vast majority of these stars that were grouped together continue to be grouped together
under the finalized classes, with some stars having minor adjustments to neighboring classes.
The PCA and K-means clustering have allowed us to further the understanding of the HdC
dataset, especially to better visualize the way that the spectra are related to each other and
which dimensions best explain the spectral variation.
Table 4.3: Classes created by this work. The different
setups are described in more detail in Table 4.1.
Name

Location

ASAS-RCB-1
ASAS-RCB-11
ASAS-RCB-15
ASAS-RCB-16
ASAS-RCB-17
ASAS-RCB-18
ASAS-RCB-19
ASAS-RCB-2
ASAS-RCB-4
ASAS-RCB-5
ASAS-RCB-7
Continued on next page

Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic

Setup Class
RCB stars
WiFeS HdC5
WiFeS HdC4
WiFeS HdC6
WiFeS HdC5
WiFeS HdC5
WiFeS HdC7
WiFeS HdC7
WiFeS HdC5
WiFeS HdC7
WiFeS HdC6
WiFeS HdC7
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Notes
C2
C2
C2
C2
C2
C2
C2
C2
C2
C2
C2

5
4.5 CN+
5.5
5.5
5
6
6
5
6 Li
5 H1 Li
6

Standard

Name
ASAS-RCB-8
ASAS-RCB-9
GU Sgr
IRAS1813.5-2419
J132354.47-673720.8
J160205.48-552741.6
J161156.23-575527.1
J172951.80-101715.9
J173819.81-203632.1
J174119.57-250621.2
J174138.87-161546.4
J174328.50-375029.0
J174851.29-330617.0
J182334.24-282957.1
J182723.38-200830.1
J182943.83-190246.2
J183649.54-113420.7
J184158.40-054819.2
J184246.26-125414.7
J185525.52-025145.7
J194218.38-203247.5
OGLE-GC-RCB-1
RS Tel
RY Sgr
RZ Nor
S Aps
SV Sge
U Aqr
V1157 Sgr
V1783 Sgr
V2552 Oph
V2331 Sgr
V3795 Sgr
V391 Sct
V4017 Sgr
V739 Sgr
V854 Cen
VZ Sgr
WX CrA
Y Mus
HD175893
EROS2-LMC-RCB-1
EROS2-LMC-RCB-2
Continued on next page

Location
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
Galactic
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Classification Criteria

HdC stars are characterized predominantly by the extreme weakness and often complete
absence of Hydrogen in their spectra, and therefore do not exhibit Balmer lines, the Balmer
jump, or the CH band. Stars colder than HdC type 1 show strong C2 bands which dominate
the blue end of the spectrum, and show CN bands in the red for stars colder than HdC
type 2. Compared to typical carbon stars, HdC stars most resemble the C-N stars, as they
have weak 13 C isotopic bands (12 C/13 C ⪆ 100 (Clayton, 2012), compared to C-N stars with
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Figure 4.8. The spectra of the HdC1 class of stars. The information is arranged in the same
way as Figure 4.7.
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Figure 4.9. The spectra of the HdC2 class of stars. The information is arranged in the same
way as Figure 4.7.
C/13 C ∼ 30-70 (Lambert, 1986) and enhanced s-process elements. HdC stars also tend to
have low Iron abundances, and are found in low metallicity populations such as the thick
disk, the Galactic bulge, and the Magellanic Clouds. The absolute magnitudes of HdCs in
the SMC and LMC indicate that these stars are of supergiant luminosity.
In most stellar classification schemes, commonly used features for both temperature and
luminosity classification include the hydrogen lines, many s-process lines, and metallic lines.
Care must be taken not to use the line strengths and ratios from these other schemes as HdC
stars are nontraditional in all of these features, having no hydrogen lines, enhanced s-process
elements, and low metallicity. Metallic lines can be used, however they must be compared
directly to other heavy metallic lines that are minimally affected by nucleosynthesis with in
the star, e.g. Cr, Mn, Ti, etc. As the HdCs have a large range in the amount of s-processing
in their atmosphere, those spectral features are not of much use in the classification scheme.
12

Below I list each class and some spectral features that can be used to help identify that
class:
• HdC0:
– Spectral peak in the far blue (∼ 4000 Å)
– Visible He II lines in the blue
– Mn I 4030 Å much stronger than Fe I 4046 Å
– Visible C II lines
– Strong Si II lines at 6347 and 6371 Å (lines here are strong but there is more total
flux in the continuum so they may appear to be weaker than in cooler stars)
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Figure 4.10. The spectra of the HdC3 class of stars. The information is arranged in the
same way as Figure 4.7.
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Figure 4.11. The spectra of the HdC4 class of stars. The information is arranged in the
same way as Figure 4.7.
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Figure 4.12. The spectra of the HdC5 class of stars. The information is arranged in the
same way as Figure 4.7.
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Figure 4.13. The spectra of the HdC6 class of stars. The information is arranged in the
same way as Figure 4.7.
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Figure 4.14. The spectra of the HdC7 class of stars. The information is arranged in the
same way as Figure 4.7.
– N I feature blends with red-ward end of 8662 Å line of Ca II triplet
• HdC1:
– Mn I 4030 Å stronger than Fe I 4046 Å
– Strongest C I lines , especially 6013, 6455 Å
– Strong OI 7004 Å line
– C I blend at 7115 Å strong
– Strong O I triplet at 7774 Å
• HdC2:
– Fe I 4046 Å now equal to Mn I 4030 Å
– Ca I 4226 Å becomes more prominent compared to neighboring lines, comes out
near the bandhead
– Ba II 4554 Å begins to blend with CN bandheads
• HdC3:
– Strongest Fe I 4046 Å line, strongest Fe I 4271 Å line
– O I 7004 Å line begins to dissipate
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• HdC4:
– Ti II 4444 Å line begins to weaken but stays visible throughout the rest of the
types (note typically used as a luminosity indicator)
– Mg II 4481 Å begins to weaken
– depending on C2 strength, tends to be where C2 bands around 6000 Å become
easy to spot (note no 13 C12 C bands!)
– CN bands also becoming easier to spot
• HdC5:
– CN bands becoming easier to spot
• HdC6:
– The C2 bands begin to reach zero flux at their deepest point
– Flux in blue begins to dissipate
• HdC7:
– Spectral peak in far red (> 9000 Å)
– Very little flux in the blue
Predominant features in the HdC spectrum also include the Ca II features— namely the
H & K lines and the IR triplet— and the Na I D lines. These features seem to vary between
stars even within the same class by a significant amount. Na I D is known to vary with
gas along the line of sight (Blondin et al., 2009), which is problematic for the stars as they
tend to lie at large distances from the Earth, and some HdCs have significant foreground
dust (Tisserand et al., 2022). Ca II is also similarly affected by interstellar reddening, and
therefore I do not include Na I D or the Ca II features in the classification criteria.
4.3.1

The Carbon Index

As mentioned in Section 4.2.4, I based the carbon index for HdCs on the carbon index for
typical carbon stars. C2 0 indicates no visible C2 bandheads, and C2 6 indicates the strongest
bands in the sample. Even the warmest HdC type, HdC0, has stars with weak but clearly
visible C2 bandheads at 5165 and 4737 Å. At carbon index C2 3.5 is the first indication of
the C2 bandhead at 4383 Å, most clearly visible in classes HdC3 and HdC4 (see Figures 4.10
and 4.11). Thus, the strength of the 4383 Å band is very useful in determining the carbon
index.
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4.3.2

The Hydrogen Index

The majority of HdC stars exhibit no detectable 4300 Å CH band or Balmer lines. However,
in 24 out of the 86 stars with complete spectra, I find the Balmer lines in absorption, and
in emission in one star, F152. I measured the pseudo-equivalent widths (pEWs)2 of the Hα
line and rounded to the nearest 0.5 Å to create the hydrogen index, which I denote using
H#. Of the stars with detectable hydrogen lines, 16 out of the 24 are dLHdCs, and 8 out of
the 24 are RCBs, confirming that dLHdC stars are more likely to show hydrogen lines than
their variable counterparts (Tisserand et al., 2022). A very active RCB star, known to have
quite strong Balmer lines, V854 Cen, has a hydrogen index of H3, and as it is the only star
which has a visible Balmer discontinuity, I additionally included a b to the notation, making
its hydrogen index “H3b.” Of the stars with detectable H, none of the stars in the sample,
even those with measurable Balmer lines, had clearly detectable CH bands.
4.3.3

The Lithium Index

Lithium is an element only previously observed in four RCBs until it was observed in a
number of dLHdCs (Tisserand et al., 2022). I find detectable lithium lines in 23 HdC stars,
13 of which are dLHdCs. Lithium is weak in all of its detections, and lies in a rather strong
C2 band, making its pEW measurement difficult. Therefore, I only indicate the presence
of a lithium line by “Li” in the classification, rather than additionally assigning an index.
High resolution follow up of Li-enriched stars will give us a better idea of how much lithium
enhancement is typical, and will allow future HdC evolutionary models (such as those in
Munson et al. (2021) and Crawford et al. (2020) to reach a better understanding of what
mechanism allows this enhancement.
4.3.4

Miscellaneous Peculiar Features

The set of Sr-rich stars found by Crawford et al. (2022) are denoted by “Sr” in their classification. The star A166 is not included in the current classification, however it would be
denoted as “Ba” in the classification as it has extraordinarily strong barium lines compared
to all other HdC stars. There are a range of known Sr and Ba abundances in the HdC
stars, however I do not have the resolution to comment on the relative abundances of these
elements with the spectral classification scheme.
HdC stars are known to be enhanced in nitrogen (Asplund et al., 2000), however they are
also known to have weak CN bands compared to other carbon stars (Morgan et al., 2003).
The CN bands both increase in strength with an increase in luminosity, and decrease in
strength with a decrease in metallicity (Keenan, 1993). Since the HdC stars not only have
a (small) range of luminosities (see Section 4.4.2) but also a range of low metallicities, it is
therefore not surprising the strength of CN varies within the same class and carbon index.
In the system, I denote stars with strong CN bands via “CN+” and those with weak CN
bands by “CN-.”
2

Note that I refer to these measurements as pseudo-equivalent widths rather than simply equivalent
widths as HdCs do not generally show a true continuum, and therefore I can only measure from the pseudocontinuum.
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Asplund et al. (2000) discovered a small class of four stars which he denoted “minority” stars based on their differences in abundances from the “majority” class of RCBs in
their sample. These minority stars are VZ Sgr, V3795 Sgr, V854 Cen, and V CrA. While
the minority class is a diverse class, they are predominantly identified by low metallicity
and extreme abundance ratios, especially S/Fe and Si/Fe. Upon further inspection into the
abundances of these stars, the ratios S/Fe and Si/Fe are large not because of S or Si enhancements, but because of weak Fe. While I can clearly identify the Si II lines at 6347 and
6371 Å, I do not have high enough resolution to estimate an abundance for Fe, and therefore
I cannot distinguish minority stars from majority stars.
4.4
4.4.1

Calibration
Temperature

Many of the typical line strengths and ratios used to gauge temperature in the MK and
carbon star classification systems rely on either the hydrogen Balmer series lines or the iron
lines, neither of which are easily used in HdC stars. While hydrogen lines are nearly absent
and can’t be used, the HdC stars have low metallicities and therefore have weak metallic
spectra, making the iron lines difficult to measure at intermediate resolution. Nonetheless,
the ratio of iron lines to other metallic lines minimally affected by nucleosynthesis such as
chromium and calcium can be used to calibrate the HdC types to the MK and carbon star
types. See Table 4.4 for the equivalent C-R and MK types to the HdC classes, as well as an
estimated temperature based on the MK temperature calibrations for supergiant stars.
The temperature estimates for the warmest classes of stars are not only further apart than
for the coldest classes, they also have larger potential error values as comparison between
oxygen-rich stars is much more difficult than to other carbon-rich stars and there are no
known carbon stars at this temperature regime. I am, however, able to compare to known
Extreme Helium (EHe) stars, one of the coldest of which is FQ Aqr at Teff = 8750 ± 250
K (Pandey et al., 2001). One particular note is the strong appearance of the C II lines at
this temperature (see Figure 1 of Pandey et al. (2001)). The WiFeS spectra used in the
classification set are not high enough resolution to resolve the C II lines in HdC spectra,
however I can see the C II lines clearly in V3795 Sgr in published high resolution spectra (see
Figure 1 in Lambert & Rao (1994)). I note that in typical oxygen-rich stars, C II lines are
not seen in stars cooler than type B, however as HdCs and EHes are carbon-rich, the carbon
features are therefore much stronger and seen in much cooler atmospheres. V3795 Sgr, an
HdC0 C2 0.5 star, has clearly visible C II lines, though not to the strength of those seen in
FQ Aqr, however it also has visible C2 bands as indicated by its carbon index, especially the
5165 Å band as shown in Figure 4.15. The existence of both molecular carbon and ionized
carbon in one atmosphere is interesting and provides further evidence to the temperature
estimate of 7000 K for this class.
In addition to C II lines, the HdC0 class also exhibits He I lines in the blue, much like
the EHe stars. He I lines are seen as late as F0 supergiant stars near the Ca II H line,
however it is surrounded by the high energy Balmer transitions, which dwarf the He I lines
by comparison. Therefore, it seems even more reasonable to calibrate the HdC0 class to
near the F0 supergiants, however, care must be taken to consider the effects of different
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Table 4.4. Calibration of the HdC classes to the Carbon star and MK classes
HdC Sequence C-R Equiv. MK Equiv. Teff est. (K)
HdC0
F0-F5
7000
HdC1
F6-G0
6000
HdC2
C-R0
G1-G4
5250
HdC3
C-R1
G5-G8
4700
HdC4
C-R2
G9-K1
4500
HdC5
C-R3
K1-K2
4100
HdC6
C-R4
K2-K3
4000
HdC7
C-R4.5
K5-K7
3900
abundances of elements such as He in the HdC stars.
At the cool end of the HdC temperature regime, there is another type of rare carbon star
variable known as the DY Per variables. It has been long discussed whether the DY Per
stars are related to RCBs, and currently it is theorized that they could be “cool cousins” of
RCBs (Bhowmick et al., 2018). These stars lie just to the red of the known HdC stars in
the HR diagram (Tisserand et al., 2009). As DY Per itself has been given a type of C-Hd4.5
C2 6 in Keenan & Barnbaum (1997), I compare it to the HdC7 standard star, ASAS-RCB-4
(HdC7 C2 6) in Figure 4.16. Simply from the shape of the continuum for these two stars, DY
Per is clearly still cooler in temperature than the coolest HdCs in the sample. This could
possibly correspond to DY Pers occupying a cooler class of HdCs tentatively called HdC8.
We do not currently have spectra of enough DY Per stars in the correct spectral range to
formally include them in the HdC classification scheme.
4.4.2

Luminosity

Due to there being multiple HdC stars in the Magellanic clouds and many of the Galactic
HdCs having parallaxes measured by the Gaia mission, I know that HdCs have supergiant
luminosities (Tisserand et al., 2009, 2022). The range of absolute V band magnitudes for HdC
stars is between -2 and -5, and the Magellanic population of HdCs are brighter on average
(Tisserand et al., 2022). This would put the majority of HdC stars at a corresponding
luminosity class ranging from II to Ia. Typical luminosity sensitive features used in other
classification systems include the ratio of CN to C2 bands (see Section 4.3.4 for why CN
is not a good feature to use in HdCs) and the ratio of Sr or Y lines to nearby Fe lines
(see Section 4.3 for why s-process lines are not good features to compare). Neither of these
features are suited for use in HdC stars, and therefore traditional luminosity classification
for HdCs is not currently possible at this resolution.
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Figure 4.15. A region of the spectrum for HdC star V3795 Sgr (HdC0 C2 0.5) indicating the
presence of the C2 band at 5165 Å.

Figure 4.16. The spectrum of the HdC7 standard star, ASAS-RCB-4 (in blue), overlaid with
the spectrum of the eponymous DY Per (in red). Both spectra are normalized such that the
region just bluer than 7000 Å are at the same normalized flux.
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CHAPTER 5.
CONCLUSIONS
5.1

Formation of HdC Stars

Chapter 1.4 is the latest in a series of studies using a combination of 3D hydro and 1D MESA
simulations which have made significant progress in understanding how RCB stars form and
evolve (Staff et al., 2012, 2018; Menon et al., 2013; Lauer et al., 2019). By modulating the
metallicity and initial He-burning shell temperatures of these RCB models, I am able to
study the effects of these two important parameters. Remarkably, I am able to identify a
single preferred model, SUB8.48, which has abundances closest to those of observed RCBs.
This model is at 10% of solar metallicity, and has an initial He-burning shell temperature
of approximately 3.00 ×108 K. I show that the convection of these models is such that the
material exposed to the He-burning shell is mixed out of the He-burning region within the
first few years after the merger event and brought to the surface where it can be observed.
This gives one explanation as to why the RCB stars exhibit partial He-burning products on
their surface. We’re also able to explore the effects of THe and metallicity on the structure and
evolution of RCBs. In general, subsolar metallicity RCBs have a higher surface temperature
and thus a smaller radius, and live longer lives as RCBs. The difference in Teff is likely due
to differences in opacity. The subsolar metallicity models experience a lower opacity, and
are thus able to radiate more energy through the photosphere rather than having to spend
its energy to expand the star. This effect can be seen as the subsolar models have smaller
radii (and thus higher Teff ), and slightly higher luminosities than the solar models. These
two effects combine in the Blöcker wind prescription (Blöcker, 1995) to decrease the mass
loss, and thus extend their lifetime as RCBs.
I note that there are limitations on the estimates of RCB lifetimes, and thus population
sizes, as these two depend strongly on the mass loss, which is not well constrained. Nevertheless, I calculate an average RCB lifetime on the order of 104 years and a population size
of about 30 using a Blöcker wind efficiency η = 0.075, whereas the current number of known
RCBs is nearly 120 in the Galaxy. Decreasing the wind efficiency of the models to η = 0.005
increases the RCB lifetime by an order of magnitude, and increases the population size to
around 250 RCBs, without changing the convective structure or the surface abundances.
There are still a few effects which I cannot explain well, or would need further exploration.
While the models exhibit measurable Li on the surface of RCBs, I have not been able to
replicate the observed abundances of this element, and there is reason to believe that the
addition of 11 B to the reaction network could destroy the remaining surface Li. However,
the progenitor He-WD stars have an existing abundance of lithium, which plays a role in
the amount seen on the surface during RCB phase. Future work is needed to make better
assumptions on the lithium abundance of He-WD progenitors. I do not currently explore
the effects of opacity in the models, but recent works such as Schwab (2019) have begun to
explore that parameter space. Lastly, I acknowledge that MESA has limitations in regards
to calculating the effects of a 3D merger process. Since this work, my group has begun
to study whether whether a MESA model created by spherically averaging the 3D output
of a hydrodynamical WD merger simulation is able to reproduce the results from stellar
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engineering models (Munson et al., 2021).
5.2

The s-process in HdC Stars

While HdC stars, especially RCBs, have been known to exhibit s-processed material such
as Sr and Ba on their surfaces, in Chapter 2.3 I have shown that there is a small subclass of HdC stars that have particularly strong Sr features in their optical spectra. All
of these stars except for A166 clearly show Sr II 4077 Å features and weak Ba II 4554
Å lines by comparison. The enhancement of Sr but not Ba is indicative of a weak single
neutron exposure in the He-burning shell, as a weak exposure would not create the neutron
density necessary to capture significantly over the closed neutron shell in the light s-process
elements. I additionally used existing RCB models from Crawford et al. (2020) (Chapter 1.4)
to estimate a probable neutron exposure parameter τ ∼ 0.1 mb−1 in a typical HdC. This
neutron exposure is not large enough to explain the s-process composition of a typical HdC
star, however I am able to begin to explore the trends in this exposure including an assumed
s-processing site, metallicity, and He-burning region temperature. This is the first analysis
of its kind on RCB star models, and future models will take the induced neutron exposure
into consideration.
This analysis further cements the suggestion that dLHdCs and RCBs must be related in
some way. I cannot differentiate whether dLHdCs represent a phase of RCB evolution or are
a separate population using the analysis contained in this work alone, however our companion
works, Tisserand et al. (2022) and Karambelkar et al. (2021), present convincing evidence
that dLHdCs are formed due to differences in mass ratio, composition, and total mass of the
progenitor WD-binary system that creates these stars. Discovering new dLHdCs has allowed
us to begin noting the first spectroscopic differences between these two sub-classes of HdC
stars.
5.3

Spectral Classification of HdCs

The HdC stars have traditionally not been included with other carbon stars both due to
their rarity and their unique stellar composition. In Chapter 3.4, I have shown that the
recent large influx of new RCBs and dLHdCs allows us to begin to classify these stars, and
that many of the techniques used to classify carbon stars continue to be applicable to HdCs.
There are, however, a number of spectral differences that one must keep in mind that prohibit
the use of certain spectral features such as the Balmer series, the CH band, the CN bands,
and the s-process lines in temperature classification. Indeed, care must also be taken when
considering the metallic spectrum of HdCs, as they are known to have low metallicity, and
therefore heavy metallic lines must only be considered relative to each other. Nonetheless,
I have created a spectral classification spanning the large temperature range of HdC stars
which includes an index for the molecular carbon bands, as well as indices for H, Li, Sr, and
CN spectral peculiarities.
One overarching theme in recent HdC works can also be explored here— what is the
difference between the variable and non-variable HdCs? Currently, the only known spectroscopic differences between dLHdCs and RCBs are that dLHdCs have stronger 18 O isotopic
72

Figure 5.1. A histogram showing the number of dLHdCs (orange) and RCBs (blue) in each
HdC class.
bands in the infrared, higher likelihood to be Sr-rich, stronger H abundances, and weaker CN
bands when compared to RCBs (Karambelkar et al., 2021; Crawford et al., 2022; Tisserand
et al., 2022). This appears to be consistent with the results found in this work. In Figure 5.1,
I show that for the classes in which dLHdCs exist, they exist in nearly equal numbers as
RCBs, however there are no dLHdCs in the three coldest temperature classes. This could
be a result of dLHdCs forming as a result of slightly different WD-merger populations, as is
explored in Tisserand et al. (2022), however it could also indicate that the current method
of discovering these stars is not effective at finding cold dLHdCs, seeing as cold HdCs are
fainter and thus more difficult to discover.
In the future, I intend to obtain intermediate resolution spectra for the stars not included
in this study so that they too may be classified. Many of these stars have been in dust declines
during recent observational periods, or they may have been unobservable during the time
frame that I typically use to observe HdC rich regions. In addition, this classification system
has pointed out a number of interesting stars for high-resolution spectroscopic follow-up. Of
particular interest is those stars with observable Li lines, as previously Li had only been
observed in four RCB stars. Modeling the surface abundances of Li in HdCs has proven to
be quite difficult as discussed in Chapter 1.4, and having new observations of these stars may
shed some light on how that element persists on the surface (Crawford et al., 2020; Munson
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et al., 2021). This new MK-like spectral classification system for the HdCs can now help to
streamline the identification of these unique stars for follow up, and will help to advance the
knowledge of HdC stars and their formation and evolution.
5.4

Summary

This thesis is a deep exploration of the astrophysics of HdC stars. In Chapter 1.4, I used
the stellar evolution code MESA to create models of post-WD-merger stars based on our
knowledge of HdC progenitors, and showed how the surface abundances of HdCs can be
affected by metallicity and post-merger He-burning shell temperature. I found the best
model for HdCs to be a subsolar metallicity model with a He-burning shell temperature of
3.00 ×108 K, which has surface abundances matching all the known RCB abundances except
for nitrogen and lithium. However, I also showed two different ways that these models allow
for partial helium burning products to exist on the surface of HdCs, a phenomenon which
had not previously been explained.
In Chapter 2.3, I explored the effects of the s-process on HdC stars and found a new
subclass of six HdCs with strong enhancement of only the light s-process elements. I explored
the theory behind how light s-process enhancement would be possible, and used the models
created in Chapter 1.4 to estimate a typical neutron exposure for HdCs. This exposure was
not sufficient to explain the s-process enhancement in a typical HdC, nor a Sr-rich HdC,
however it was the first analysis of its kind and provides a framework for which to examine
the s-process in future HdC models. Additionally, I found that the subclass of Sr-rich stars
predominantly lies within the halo of the Milky Way galaxy, pointing to potential differences
in the progenitor population of these stars.
Lastly, in Chapter 3.4, I used a combination of both the traditional MK process and
a modern technique using PCA and K-means clustering to create a spectral classification
system for the HdC stars. This kind of classification is the first of its kind even though
traditional carbon stars have their own classification system. This system ties together
Chapters 1.4 and 2.3 as it must include knowledge of the HdC formation and variation from
star to star that is found in Chapter 1.4 and the spectral peculiarities in HdCs, such as the
Sr-rich stars found in Chapter 2.3. Calibrations of this classification system will allow for
independent measurements of HdC stars’ temperatures using only intermediate resolution
spectra, which was only previously possible with high resolution spectra. This work also
identifies peculiar spectra suitable for further exploration, such as stars with visible Li lines,
a feature only previously known in four RCBs.
These three works have furthered our knowledge of how HdC spectra are affected by
stellar evolution and nucleosynthesis. I’ve shown how WD merger properties can affect
the surface abundances of HdCs and how the s-process can operate in these stars. I’ve
also created a new spectral classification system to further categorize the HdC spectra and
identify targets for future analysis.
5.5

Future Work

While I have uncovered many interesting details regarding the elusive HdC stars, there is
still much further work to be done on these stars. This work has largely shown the necessity
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of high-resolution spectra of HdC stars for studying unique elemental abundances such as
Li and H. High-resolution spectra are also very useful for calibrating HdC temperatures and
identifying new minority HdCs. Further work also includes taking intermediate-resolution
spectra for all of the known HdCs for spectral classification, and further discovering more
HdC stars. We must also dive deeper into the differences between RCBs and dLHdCs, and
whether or not they are formed from different WD-merger populations.
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ABSTRACT

The R Coronae Borealis (RCB) stars are extremely hydrogen-deficient carbon stars that produce large amounts of dust, causing
sudden deep declines in brightness. They are believed to be formed primarily through white dwarf mergers. In this paper, we
use MESA to investigate how post-merger objects with a range of initial He-burning shell temperatures from 2.1 to 5.4 × 108 K
with solar and subsolar metallicities evolve into RCB stars. The most successful model of these has subsolar metallicity and an
initial temperature near 3 × 108 K. We find a strong dependence on initial He-burning shell temperature for surface abundances
of elements involved in the CNO cycle, as well as differences in effective temperature and radius of RCBs. Elements involved
in nucleosynthesis present around 1 dex diminished surface abundances in the 10 per cent solar metallicity models, with the
exception of carbon and lithium that are discussed in detail. Models with subsolar metallicities also exhibit longer lifetimes than
their solar counterparts. Additionally, we find that convective mixing of the burned material occurs only in the first few years of
post-merger evolution, after which the surface abundances are constant during and after the RCB phase, providing evidence for
why these stars show a strong enhancement of partial He-burning products.
Key words: stars: abundances – stars: chemically peculiar – binaries: close – stars: evolution – white dwarfs.

1 I N T RO D U C T I O N
R Coronae Borealis (RCB) stars are a rare type of cool supergiant
star with severely diminished hydrogen and highly enriched carbon
abundances (Clayton 1996, 2012). They show spectacular, asymmetric declines of up to 8 mag at irregular intervals due to dust formation
near the surface of the star, as well as variations due to radial oscillations at maximum light. Spectroscopically, they show similarities
to hydrogen-deficient carbon stars (HdC), although the latter do not
show the same declines in brightness (Warner 1967). Additionally, it
has been suggested that RCBs are the evolutionary predecessors to
the EHe stars, due to strong similarities in the abundances of the two
types (Jeffery, Karakas & Saio 2011; Jeffery 2017).
RCB stars are quite rare; there are currently 117 known RCB stars
in the Milky Way and 30 in the Magellanic Clouds (Tisserand et al.
2020). The population of RCB stars within the Milky Way galaxy
is focused near old star regions such as the bulge and the old disc.
Belonging to old star regions implies that RCBs should have formed
from low-metallicity clouds, a conclusion that can also be drawn
by the subsolar iron abundances of observed RCBs (Asplund et al.
2000). Population synthesis models and lifetime estimates of RCB
stars imply that there should be between 300 and 500 in the Milky
Way (Tisserand et al. 2020).
The formation process of RCBs has long been debated (Fujimoto
1977; Webbink 1984); however, the currently favoured formation
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mechanism is that of a merger of two white dwarfs (WDs), one
carbon/oxygen (CO-) and one helium (He-). This WD merger
scenario is strongly supported by an overabundance of 18 O as
compared to 16 O, and other unusual surface abundances measured
in RCB stars (Clayton et al. 2007; Pandey, Lambert & Rao 2008;
Garcı́a-Hernández et al. 2010; Jeffery et al. 2011). Modelling these
merger events provides invaluable insights into the initial conditions
necessary for a star to evolve into an RCB phase. Several attempts to
model the evolution from a WD merger to the RCB phase have been
made (Longland et al. 2011; Menon et al. 2013, 2018; Zhang et al.
2014; Lauer et al. 2019; Schwab 2019). Most of these studies have
used the 1D stellar evolution code MESA (Modules for Experiments
in Stellar Astrophysics; Paxton et al. 2011, 2013, 2015, 2018,
2019).
Zhang et al. (2014) model the WD merger using both fast and
slow accretion. They find that their ‘destroyed disc’ models, which
approximate direct ingestion of the accretion disc into the envelope,
can replicate the abundances shown in RCBs. Additionally, their
models favour lower mass He-WDs, at masses 0.20–0.35 M .
Longland et al. (2011, 2012) use post-processing to analyse the
nucleosynthesis that occurs during a hydrodynamically simulated
merger event, finding enhanced 18 O and 19 F, along with the production of 7 Li. Menon et al. (2013) construct a compositional profile
for use in MESA, utilizing the hydrodynamic merger simulations
outlined in Staff et al. (2012). They extend this work in Menon
et al. (2018) to include subsolar metallicity, with similar results.
In Lauer et al. (2019), a WD merger is both simulated and
evolved to the RCB phase within MESA, including a 75-isotope
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